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Layered convection as the origin of Saturn’s
luminosity anomaly
Jérémy Leconte1,2* and Gilles Chabrier2,3

As the giant planets of our Solar System continue to cool
and contract, they radiate more energy than they receive
from the Sun. A giant planet’s cooling rate, luminosity and
temperature at a given age can be determined using the
first and second principles of thermodynamics. Measurements
of Saturn’s infrared luminosity, however, reveal that Saturn
is significantly brighter than predicted for its age1,2. This
excess luminosity has been attributed to the immiscibility
of helium in Saturn’s hydrogen-rich envelope, which leads
to rains of helium-rich droplets3–8. Existing calculations
of Saturn’s evolution, however, suggest that the energy
released by helium rains might be insufficient to resolve
the luminosity puzzle9. Here we demonstrate, using semi-
analytical models of planetary thermal evolution, that the
cooling of Saturn’s interior is significantly slower in the
presence of layered convection generated—like in Earth’s
oceans—by a compositional gradient. We find that layered
convection can explain Saturn’s present luminosity for a
wide range of initial energy configurations without invoking
any additional energy source. Our findings suggest that the
interior structure, composition and thermal evolution of giant
planets in our Solar System and beyond may be more complex
than the conventional approximation of giant planets as
homogeneous adiabatic bodies.

Many arguments suggest the existence of compositional gra-
dients in giant planet interiors, as a consequence of either their
formation process or their cooling history10–13. However, the effect
of this gradient on the thermal evolution of the planet is usually
neglected for the sake of simplicity. When a vertical gradient of
heavy elements is present in a fluid, the resulting mean molecular
weight gradient (decreasing upward) can prevent large-scale con-
vection from developing by counteracting the destabilizing effect
of the temperature gradient. The complex interaction between
advection and diffusion of heat and atomic concentration can
trigger a hydrodynamical instability, called the double diffusive
instability14, leading to a regime of double diffusive convection
(also called semi convection). This process significantly affects
heat and element transport, as observed in Earth’s oceans. The
instability leads to either a state of homogeneous double diffusive
convection where diffusive transport is only modestly enhanced
by small-scale turbulence, or to a state of layered convection,
with numerous, small convective layers separated by thin, diffusive
interfaces corresponding to discontinuities in the composition of
the fluid, inwhich transport is enhancedmore significantly15,16.

Numerical calculations show that, for relevant thermal and
atomic diffusivities, both scenarios are possible, depending on
the ratio of the compositional to superadiabatic temperature
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Figure 1 | Evolution of the total internal energy (Etot ⌘ Eg+Eth+Erot) with
time for various Saturn models. The solid curve corresponds to the
reference adiabatic model. The long dashed, dashed and dotted curves are
models with layered convection with ↵ = 10�2.5, 10�3 and 10�3.5,
respectively. Owing to the reduced intrinsic luminosity caused by layered
convection, these models cool more slowly and keep the memory of their
initial energetic state much longer.

gradients17. In planets, however, this latter quantity is not a free
parameter but is imposed by the (measured) energy flux to be
transported in the planet. It can be shown that this flux is too high
to be transported by the diffusive regime of the double diffusive
instability (in other words, the thermal gradient needed to transport
the internal flux over the whole planet would be too high to
be stabilized by the heavy element gradient13). Under planetary
conditions, the system will thus most likely settle in the regime of
layered convection.

To study the impact of layered convection on giant planet
thermal structure, we have developed an analyticalmodel of the heat
transport in such a medium13. Extending the usual mixing length
formalism18 to layered convection, we can calculate the internal
temperature gradient as a function of the local properties of the
fluid and of a unique free parameter, namely the characteristic
size of the convective layers, l , or equivalently the corresponding
dimensionless mixing length parameter, ↵ = l/HP , where HP is the
pressure scale height in the fluid (seeMethods).

A first confirmation of the viability of this scenario for giant
planet interiors has been given by the fact that structure models
with layered convection matching all the observational mechanical
constraints of Jupiter and Saturn (radius, gravitational moments),
as well as the atmospheric helium and mean heavy element
abundances, have been obtained for a rather wide range of mixing
length parameters, namely ↵ 2 [10�2–4 ⇥ 10�6] for Saturn and
↵ 2 [10�2–3⇥ 10�5] for Jupiter13. These constraints suggest that
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Figure 2 | Cooling sequences of Saturn models with layered convection.
a, Effective (Teff; solid curves) and intrinsic (Tint; dashed curves)
temperature (see Methods) evolution in time for the adiabatic reference
model (black) and three models with layered convection (↵ = 10�2.5, 10�3

and 10�3.5 from dark to light red). b, Zoom on present era. Dots show the
observed effective temperature. At early ages, the effective temperature of
models with layered convection is lower owing to inefficient convection.
After a few hundred million years, these models become brighter owing to
the release of the excess of energy stored from the initial state.

layered convection is favoured over homogeneous double diffusive
convection (Supplementary Information). However, the question
remains whether layered convection can also explain the present
luminosity of the giant planets.

To answer this question, we have computed the thermal
evolution of planets with layered convection. As departure from
adiabaticity can be significant in these interiors, usual isentropic
evolution calculations2 cannot be used. Instead, the evolution is
computed by integrating the intrinsic luminosity, Lint =�dEtot/dt ,
where the total energyEtot =Eg+Eth+Erot includes the gravitational,
thermal and rotational energies (see Methods). The size of
the convective/diffusive layers is assumed to have reached an
equilibriumvalue13,15 and is thus kept constant. For all of themodels
(that is, the reference, homogeneous/adiabatic case and the semi
convective ones, for any given ↵), the amount of heavy elements
is kept constant and equal to the one that fulfils the gravitational
moment constraints13 (Supplementary Information).

As illustrated in Fig. 1, our results show that starting from the
same total internal energy, the time required to release a given
amount of this energy is significantly longer in the layered case than
in the homogeneous adiabatic one. This does not imply, however,
that the intrinsic luminosity of the object will necessarily be larger
at any given time. On the contrary, at early ages, objects with
a layered convection zone are far less luminous because of the
reduced heat flux release. However, after some time, the decrease
in luminosity imposed by layered convection is overpowered by
the increase of internal energy to be released and planets with
layered convection eventually become more luminous than the
ones with adiabatic interiors (Fig. 2). In Saturn’s case, this crossing
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Figure 3 | Impact of the size of the layered convection zone on Saturn’s
cooling sequence. a, Effective (Teff; solid curves) and intrinsic (Tint; dashed
curves) temperature evolution for the adiabatic model (black curve) and
three scenarios with layered convection. b, Zoom on the present era. From
darker to lighter red curves: our baseline scenario with layered convection
present throughout the gaseous envelope of the planet (MLC = 0.8M,
where M is the total mass of the planet; ↵ = 2⇥ 10�3), a scenario where
only the inner 50% of the envelope exhibits layered convection
(MLC ⇡ 0.5M; ↵ = 2⇥ 10�4), a case with a layered convection shell
between 0.5 and 0.7 M (MLC ⇡ 0.2 M; ↵ = 10�4).

time occurs before Saturn’s present age so that layered convection
yields a larger luminosity at 4.6 Gyr. As shown in Figs 2 and 3,
if the size of the convective layers is about 2–3⇥ 10�3 pressure
scale heights, this process properly leads to the present observed
effective temperature, radius and gravitational moments of the
planet without any additional energy source such as helium rains.
The radius evolution of these models is shown in Supplementary
Fig. S1. For this range of layer sizes, the present interior temperature
of Saturn is only modestly affected compared with the adiabatic
case (Supplementary Fig. S2). The temperature during the early
evolution, however, is much higher.

Figure 2 suggests that Saturn models with convective/diffusive
layers smaller than 2–3⇥ 10�3 pressure scale heights will be too
bright at the age of the Solar System. This is not necessarily true.
If layered convection develops only within a restricted fraction of
the planet, models with a lower convective efficiency (lower ↵) in
the layered zone and with an efficient convection everywhere else
can also reproduce Saturn’s proper cooling timescale. Our results
are valid for very different sizes of the layered convection zone.
Without covering the whole parameter space, we illustrate this by
showing an evolution track for Saturn where layered convection is
restricted to the inner 50% in mass of the planet above the core,
with ↵ = 2⇥ 10�4, and another track where layered convection
occurs in a shell between 50 and 70% of the planet’s mass (Fig. 3).
This latter case shows that the layered convection region does not
need to extend down to the core and could be present around
the molecular–metallic transition region or near an immiscibility
region in the gaseous envelope.
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temperature (see Methods) evolution in time for the adiabatic reference
model (black) and three models with layered convection (↵ = 10�2.5, 10�3

and 10�3.5 from dark to light red). b, Zoom on present era. Dots show the
observed effective temperature. At early ages, the effective temperature of
models with layered convection is lower owing to inefficient convection.
After a few hundred million years, these models become brighter owing to
the release of the excess of energy stored from the initial state.

layered convection is favoured over homogeneous double diffusive
convection (Supplementary Information). However, the question
remains whether layered convection can also explain the present
luminosity of the giant planets.

To answer this question, we have computed the thermal
evolution of planets with layered convection. As departure from
adiabaticity can be significant in these interiors, usual isentropic
evolution calculations2 cannot be used. Instead, the evolution is
computed by integrating the intrinsic luminosity, Lint =�dEtot/dt ,
where the total energyEtot =Eg+Eth+Erot includes the gravitational,
thermal and rotational energies (see Methods). The size of
the convective/diffusive layers is assumed to have reached an
equilibriumvalue13,15 and is thus kept constant. For all of themodels
(that is, the reference, homogeneous/adiabatic case and the semi
convective ones, for any given ↵), the amount of heavy elements
is kept constant and equal to the one that fulfils the gravitational
moment constraints13 (Supplementary Information).

As illustrated in Fig. 1, our results show that starting from the
same total internal energy, the time required to release a given
amount of this energy is significantly longer in the layered case than
in the homogeneous adiabatic one. This does not imply, however,
that the intrinsic luminosity of the object will necessarily be larger
at any given time. On the contrary, at early ages, objects with
a layered convection zone are far less luminous because of the
reduced heat flux release. However, after some time, the decrease
in luminosity imposed by layered convection is overpowered by
the increase of internal energy to be released and planets with
layered convection eventually become more luminous than the
ones with adiabatic interiors (Fig. 2). In Saturn’s case, this crossing
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Figure 3 | Impact of the size of the layered convection zone on Saturn’s
cooling sequence. a, Effective (Teff; solid curves) and intrinsic (Tint; dashed
curves) temperature evolution for the adiabatic model (black curve) and
three scenarios with layered convection. b, Zoom on the present era. From
darker to lighter red curves: our baseline scenario with layered convection
present throughout the gaseous envelope of the planet (MLC = 0.8M,
where M is the total mass of the planet; ↵ = 2⇥ 10�3), a scenario where
only the inner 50% of the envelope exhibits layered convection
(MLC ⇡ 0.5M; ↵ = 2⇥ 10�4), a case with a layered convection shell
between 0.5 and 0.7 M (MLC ⇡ 0.2 M; ↵ = 10�4).

time occurs before Saturn’s present age so that layered convection
yields a larger luminosity at 4.6 Gyr. As shown in Figs 2 and 3,
if the size of the convective layers is about 2–3⇥ 10�3 pressure
scale heights, this process properly leads to the present observed
effective temperature, radius and gravitational moments of the
planet without any additional energy source such as helium rains.
The radius evolution of these models is shown in Supplementary
Fig. S1. For this range of layer sizes, the present interior temperature
of Saturn is only modestly affected compared with the adiabatic
case (Supplementary Fig. S2). The temperature during the early
evolution, however, is much higher.

Figure 2 suggests that Saturn models with convective/diffusive
layers smaller than 2–3⇥ 10�3 pressure scale heights will be too
bright at the age of the Solar System. This is not necessarily true.
If layered convection develops only within a restricted fraction of
the planet, models with a lower convective efficiency (lower ↵) in
the layered zone and with an efficient convection everywhere else
can also reproduce Saturn’s proper cooling timescale. Our results
are valid for very different sizes of the layered convection zone.
Without covering the whole parameter space, we illustrate this by
showing an evolution track for Saturn where layered convection is
restricted to the inner 50% in mass of the planet above the core,
with ↵ = 2⇥ 10�4, and another track where layered convection
occurs in a shell between 50 and 70% of the planet’s mass (Fig. 3).
This latter case shows that the layered convection region does not
need to extend down to the core and could be present around
the molecular–metallic transition region or near an immiscibility
region in the gaseous envelope.
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巨大惑星の内部構造と熱進化の基礎知識
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Figure from Stevenson (1982, AREPS)
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FIGURE 2. Mass-radius relationship from from the stellar to the planetary regime. The (black) solid
and short-dash lines correspond to models with solar composition, for two isochrones. The (blue) long-
dahs line corresponds to an object with a Z = 10% mass fraction of heavy elements (from [5]). The
observationally-determined values of Hat-P-2b and Corot-3b are indicated.

the observations do confirm the theroretical predictions, providing confidence in the
description of the internal physics characteristic of the cool, dense, partially degenerate
objects known as "substellar objects". A detailed composition of Hat-P-2b has been
derived in Baraffe et al.(2008) [5]. Models are shown in Fig. 2 for two different internal
compositions: one, with a solar abundance of heavy elements, corresponds to solar-
metallicity BDs,for two isochrones, whereas the other one, with a 5-times solar metal
enrichment, corresponds to massive gaseous planets. Assuming that (i) the theoretical
MRR is accurate, (ii) the observational error bars on the radius are reliable, the second
important result illustrated in Fig. 2 is that, given the age inferred for the system, ∼ 2-3
Gyr [3], Hat-P-2b is too dense to be a BD. This in turns shows that planets can form
up to at least 9 Jupiter masses, a result of prime importance for constraining models of
planet formation. Although such a mass is still compatible with planet formation models
based on the core-accretion scenario [37], an alternative possibility for the formation of
such high-mass, short-period planets is collisions between less massive planets (see §6
of [5]). Interestingly, although Corot-3b is compatible with this object being a BD with
solar composition, for the correct age of the system, ∼ 2 Gyr [23], one cannot exclude
this object to be a strongly inflated irradiated planet with a massive core. Work is under
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Figure from Guillot & Gautier (2009)
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巨大惑星内部の水素

Figure 5: Phase diagram for hydrogen with the main phase transitions occurring in the fluid
or gas phase. The temperature-pressure profiles for Jupiter, Saturn, Uranus, Neptune, and the
exoplanet HD 209458b are shown. The dashed nearly vertical line near 1Mbar is indicative of
the molecular to metallic transition (here it represents the so-called plasma phase transition as
calculated by Saumon et al. (1995)). The region in which hydrogen is in solid phase (Datchi et al.,
2000; Gregoryanz et al., 2003) is represented as a hatched area. The three phases (I,II,III) of
solid hydrogen are shown (see Mao and Hemley, 1994). Values of the degeneracy parameter θ are
indicated as dotted lines to the upper right corner of the figure.
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Figure from Nettelmann, Fortney, Kramm+ (2011, ApJ)
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(A color version of this figure is available in the online journal.)

this implementation are a structure where an H/He layer is on
top of a water layer, or a homogeneous mixture of H/He and
H2O. We find that in the first case, such differentiated three-
layer models (H/He, water, rock) cannot have 1×(I:R)# and
be in agreement with τ", the reason of which is the following.
Class I and II models require a radiative atmosphere down to
80 bar or more at present in order to meet τ". If composed
solely of H/He, the atmosphere extends over about 0.4 R⊕. In
order to match a remaining radius r(Mp) ≈ 2.3 R⊕, the core
mass fraction of the remaining water+core body is of the order of
20%–50% (see Valencia et al. 2010, Figure 8). We find I:R< 0.9
and Mcore = 3.5–4.2 M⊕ for this case of differentiated models.
Increasing Pad increases the depth of the thin H/He atmosphere,
thereby lowering the I:R ratio even more. Increasing the planet’s
mean density within the 1σ error bars of Mp and Rp allows for
I:R up to at most 0.56×(I:R)#.

Consequently, the only way to obtain a solar I:R ratio is to
limit the radius of the H/He atmosphere by enhancing its mean
molecular weight (Miller-Ricci et al. 2009) through admixture

of water. Here we consider the case of equal metallicity in
the radiative atmosphere and in the adiabatic envelope (our
class III models) as parameterized by the water mass fraction Z1.
Figure 4(a) shows the change of the I:R ratio of single models.
The water to core mass ratio rises moderately up to Z1 = 0.9,
passes 1×(I:R)# at Z1 = 0.95, and then rises rapidly up to the
values found for class II models. This behavior depends very
weakly on the choice of Pad(t0).

For class III models, the resulting H/He mass fraction of
the planet (see Figure 4(a)) is about 2–3 times larger than in
case of an H/He layer on top of a water layer. It reaches the
maximum for Z1 ≈ 0.80 (the core mass must not be too large,
requiring a high metallicity, and also Z1 not too close to 1).
We find a planetary H/He mass fraction !5.9% if Pad(t0) =
400 bar as in Figures 4(a) and (b), and slowly rising with Pad(t0)
up to 7% (colder envelopes reduce the core mass). However, a
colder present time interior would take longer than 10 Gyr to
cool. For the cooling curve calculations we choose a metallicity
Z1 = 0.85, which gives an H/He mass fraction close to the
maximum value but also a core mass below 2/3 Mp, hence a
real alternative to classes I and II. Figure 4(c) shows that the
isothermal region of present GJ 1214b must end between 120
and 400 bar to give consistency with a cooling time of 3–10 Gyr.

With Z1 = 0.85, Tcore = 5730 K, and Pcore = 1.4 Mbar
(Figure 4(b)), model IIIb resembles the interior of Uranus
and Neptune in composition and temperature (Fortney &
Nettelmann 2010). Lower in total mass, the pressure does not
rise up to 5–7 Mbar as in the outer solar system giant planets, so
that water will not adopt the superionic phase according to the
phase diagram of water, but remain in a fluid state in GJ 1214b
(Figure 3). This property bolsters our assumption of a homoge-
neous mixture of water with hydrogen and helium.

4. DISCUSSION

4.1. Structure Assumptions

Our GJ 1214b interior models rely on a separation of the in-
terior into a rock core and one homogeneous envelope of the
same composition as in the visible atmosphere. In contrast, giant
and terrestrial planets in the solar system are not successfully
described by such a two-layer structure but require the assump-
tion of various internal layer boundaries to be consistent with
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Figure 1. Normalized integrands of the gravitational moments (contribution
functions) of Jupiter (top) and Neptune (bottom). The values are normalized to
make the area under each curve equal unity. J0 is equivalent to the planetary
mass. The range of possible core sizes is indicated. Here, core designates a
region of heavy elements below the H/He envelope. It is clear that Neptune’s
(Uranus’) interior is better sampled by the gravitational harmonics compared to
Jupiter (Saturn).
(A color version of this figure is available in the online journal.)

uses physical equations of state (EOSs) of the assumed materials
to derive a density (and associated pressure and temperature)
profile that best fits the measured gravitational coefficients. The
physical parameters of the planets, such as mass and equatorial
radius, are used as additional constraints. The masses and
compositions of the three layers are modified until the model
fits the measured gravitational coefficients. The models typically
assume an adiabatic structure, with the adiabat being set to the
measured temperature at the 1 bar pressure level (Hubbard et al.
1991; Podolak et al. 1995). Although this method has succeeded
in finding a model that fits both J2 and J4 for Neptune, no model
of this type has been found that fits both J2 and J4 of Uranus.
For example, Podolak et al. (1995) found that in order to fit the
observed parameters for Uranus, it was necessary to assume that
the density in the ice shell was 10% lower than given by then-
current EOSs. In addition, the ratio of ice to rock in this model
was 30 by mass, roughly 10 times the solar ratio. Podolak et al.
(1995) point out that Uranus’ lower density might be explained
by higher internal temperature if the planet is not fully adiabatic.
A non-adiabatic structure for Uranus is an appealing option since
it suggests an explanation for the low heat flux of the planet in
terms of an interior that is not fully convective.

A second approach to model the interiors of Uranus and
Neptune makes no a priori assumptions regarding planetary
structure and composition. The radial density profiles of Uranus

and Neptune that fit their measured gravitational fields are
derived using Monte Carlo searches (Marley et al. 1995; Podolak
et al. 2000). This approach is free of preconceived notions about
planetary structure and composition and is not limited by the
EOSs of assumed materials. Once the density profiles that fit the
gravitational coefficients are found, conclusions regarding their
possible compositions can be inferred using theoretical EOSs
(Marley et al. 1995).

In this paper, we apply the method previously used in our
models of Saturn (Anderson & Schubert 2007; Helled et al.
2009a) to derive continuous radial density and pressure profiles
that fit the mass, radius, and gravitational moments of Uranus
and Neptune. The use of a smooth function for the density
with no discontinuities allows us to test whether Uranus and
Neptune could have interiors with no density (and composition)
discontinuities. Section 2 summarizes the models and results. In
Section 3, we use physical equation of state tables to infer what
these density distributions imply about the internal composition
of Uranus and Neptune. Conclusions are discussed in Section 4.

2. INTERIOR MODEL: FINDING RADIAL PROFILES OF
DENSITY AND PRESSURE

The procedure used to derive the interior model is described in
detail in Anderson & Schubert (2007) and Helled et al. (2009a).
The method is briefly summarized below.

The gravitational field of a rotating planet is given by

U = GM

r

(

1 −
∞∑

n=1

(a

r

)2n

J2nP2n (cos θ )

)

+
1
2
ω2r2 sin2 θ,

(1)

where (r, θ,φ) are spherical polar coordinates, G is the gravita-
tional constant, M is the total planetary mass, and ω is the angular
velocity of rotation. We assume that the planets rotate as solid
bodies with Voyager rotation periods (Table 1), although this
assumption is a simplification since the interior rotation profiles
of Uranus and Neptune are actually poorly known and could
be more complex (Helled et al. 2010). The potential U is rep-
resented as an expansion in even Legendre polynomials, P2n

(Kaula 1968; Zharkov & Trubitsyn 1978). The planet is defined
by its total mass, equatorial radius a at the 1 bar pressure level,
and harmonic coefficients J2n, which are inferred from Doppler
tracking data of a spacecraft in the planet’s vicinity.

The measured gravitational coefficients of Uranus and Nep-
tune are listed in Table 1. The observed gravitational coefficients
J2, J4 correspond to the arbitrary reference equatorial radii Rref
of 26,200 km and 25,225 km for Uranus and Neptune, respec-
tively (Jacobson et al. 2006; Table 1). Another physical property
that is used in the interior model is the equatorial radius. For
Uranus the radio occultation of Voyager 2 yielded two radii
on ingress and egress. These were nearly equatorial occulta-
tions and they provided essentially direct measurements of the
planet’s equatorial radius. Uranus’ equatorial radius was found
to be 25,559 ± 4 km. Neptune’s occultation geometry was not
equatorial. The geometry of Voyager 2 radio-occultation mea-
surements was such that egress data were more difficult to inter-
pret, resulting in one reliable planetocentric radius measurement
on egress at a latitude of 42.◦26 S (Tyler et al. 1989; Lindal 1992,
Figure 7). The radius at this latitude was found to be 24,601 ±
4 km. Lindal (1992) derived an equatorial radius of 24,766 ±
15 km for Neptune’s 1 bar isosurface using wind velocities
(Smith et al. 1989), with the large error reflecting the uncer-
tainties in the extrapolation of the occultation measurement to
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Figure from Nettelmann, Helled, Fortney+ (2013, PSS)
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decrease. Thus a lower limit of Z1 at given P1-2 arises from the
condition that 9J49 must not become too small. Since Mc decreases
with increasing Z2 in standard three-layer models as known for
Jupiter (Nettelmann et al., 2012), at very high Z2 values (\0:95)
the core mass decreases to zero before the lower observational
limit of 9J49 is reached. Thus the Neptune models along the upper
right boundary in Fig. 2 are in fact two-layer models with no core.
The internal adiabat then reaches temperatures up to 6600 K and
pressures up to 8 Mbar, while the lowest core-mantle boundary
temperature, Tc (pressure, Pc) is 5200 K (5.5 Mbar), found for the
model with the biggest rock core of mass Mc ¼ 3:7M".

The described behavior is the same as found previously for
Uranus and Neptune (see Fig. 3 in FN10). However, due to the
large observational error bars of J2 and J4 (Fig. 1) allowed for in
FN10, the Neptune models were arbitrarily forced to have
Z1r0:40 and P1-2Z0:15 Mbar in accordance with the results for
Uranus. It is the much reduced error bars of J2 and J4 that here
allow us to present the full range of models. The biggest difference
to the set of Neptune models in FN10 is the existence of models
with pure water envelopes. Those occur for high outer envelope
metallicities Z140:5. Then, P1-2 needs to be put deep inside the
planet ðP$ 1 Mbar) to ensure that 9J49 does not get too large.

Few Uranus models can be found for the improved error bars
of J2 and J4 (Fig. 1). They have a well defined Z2 ¼ 0:970:02, a
tightly constraint position of the layer boundary at 0:127
0:04 Mbar corresponding to r¼ 0:7970:02RU and m¼ 0:937
0:02MU, a rather low outer envelope metallicity 1Z%rZ1r
12Z%, a rock core of at most 1M", and central temperatures
Tc $ 6000 K. An example is model U1 (Table 2). In Z1–Z2 space, the
Uranus models are within the range of the Neptune models.

3.2. Models with the modified shape and rotation data

The explanations to Fig. 2 in Section 3.1 apply also to Fig. 3. We
here describe the differences that arise from using the modified
shape and rotation data.

Most obvious, the sets of solutions shift into opposite direc-
tions: the Uranus models move to the lower right corner of Fig. 3
where Z2 gets higher and Z1 smaller, increasing the density
difference between the envelopes. In contrast, the Neptune
models stretch into the upper left corner where Z1 is above 60%
and the density difference to the deep envelope less pronounced.
As a result, the sets of solutions become disjunct. The Uranus
solutions are tightly constrained to have a low outer envelope
metallicity (o0:1), a high inner envelope metallicity (40:9), a
transition far out (at 40:9MU), and a small core (o1M"). An
example is model U2, see Table 2. Similar Uranus and Neptune
solutions are still possible, for instance with Z1 $ 0:1 and
Z2 $ 0:88 in both planets. However, this would require an envel-
ope transition in Neptune at $ 0:05 Mbar, relatively far out at
0:88RN in the neutral, molecular fluid part, which is not a
preferred solution for Neptune. The new finding here is that
two kinds of qualitatively different Neptune models are possible
that both differ in the atmospheric heavy element abundance to
an observationally significant level from the Uranus models. The
first kind of Neptune models is characterized by a rather large
core (Mc $ 3M") and a modest heavy element difference between
the envelopes (changing from 0.6 to 0.8). Alternatively, small core
models are possible with pure water envelopes and a transition
deep inside at $ 0:6RN and $ 0:6MN. Models N2a and N2b are
respective examples (Table 2).

These changes can easily be explained by the new rotation rates.
A slower rotation (Neptune) means a lower centrifugal force. Matter
is then less strongly pushed to the outer region. If the J2, J4 to be
fitted remain about the same, a higher metallicity in the outer part
of the planet is required. Along the adiabat, a higher metallicity
leads to lower internal temperatures. Therefore, Neptune models
with high outer envelope metallicity can become rather cold, with
core-mantle boundary temperatures around 5000 K only.

Example density profiles. The input and resulting parameters of
representative models are given in Table 2 and their density and
mass profiles shown in Fig. 4. The Uranus models clearly stand
out by their big jump in density at $ 75% of the planet’s radius,
where the density falls down to 30% of the inner envelope
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decrease. Thus a lower limit of Z1 at given P1-2 arises from the
condition that 9J49 must not become too small. Since Mc decreases
with increasing Z2 in standard three-layer models as known for
Jupiter (Nettelmann et al., 2012), at very high Z2 values (\0:95)
the core mass decreases to zero before the lower observational
limit of 9J49 is reached. Thus the Neptune models along the upper
right boundary in Fig. 2 are in fact two-layer models with no core.
The internal adiabat then reaches temperatures up to 6600 K and
pressures up to 8 Mbar, while the lowest core-mantle boundary
temperature, Tc (pressure, Pc) is 5200 K (5.5 Mbar), found for the
model with the biggest rock core of mass Mc ¼ 3:7M".

The described behavior is the same as found previously for
Uranus and Neptune (see Fig. 3 in FN10). However, due to the
large observational error bars of J2 and J4 (Fig. 1) allowed for in
FN10, the Neptune models were arbitrarily forced to have
Z1r0:40 and P1-2Z0:15 Mbar in accordance with the results for
Uranus. It is the much reduced error bars of J2 and J4 that here
allow us to present the full range of models. The biggest difference
to the set of Neptune models in FN10 is the existence of models
with pure water envelopes. Those occur for high outer envelope
metallicities Z140:5. Then, P1-2 needs to be put deep inside the
planet ðP$ 1 Mbar) to ensure that 9J49 does not get too large.

Few Uranus models can be found for the improved error bars
of J2 and J4 (Fig. 1). They have a well defined Z2 ¼ 0:970:02, a
tightly constraint position of the layer boundary at 0:127
0:04 Mbar corresponding to r¼ 0:7970:02RU and m¼ 0:937
0:02MU, a rather low outer envelope metallicity 1Z%rZ1r
12Z%, a rock core of at most 1M", and central temperatures
Tc $ 6000 K. An example is model U1 (Table 2). In Z1–Z2 space, the
Uranus models are within the range of the Neptune models.

3.2. Models with the modified shape and rotation data

The explanations to Fig. 2 in Section 3.1 apply also to Fig. 3. We
here describe the differences that arise from using the modified
shape and rotation data.

Most obvious, the sets of solutions shift into opposite direc-
tions: the Uranus models move to the lower right corner of Fig. 3
where Z2 gets higher and Z1 smaller, increasing the density
difference between the envelopes. In contrast, the Neptune
models stretch into the upper left corner where Z1 is above 60%
and the density difference to the deep envelope less pronounced.
As a result, the sets of solutions become disjunct. The Uranus
solutions are tightly constrained to have a low outer envelope
metallicity (o0:1), a high inner envelope metallicity (40:9), a
transition far out (at 40:9MU), and a small core (o1M"). An
example is model U2, see Table 2. Similar Uranus and Neptune
solutions are still possible, for instance with Z1 $ 0:1 and
Z2 $ 0:88 in both planets. However, this would require an envel-
ope transition in Neptune at $ 0:05 Mbar, relatively far out at
0:88RN in the neutral, molecular fluid part, which is not a
preferred solution for Neptune. The new finding here is that
two kinds of qualitatively different Neptune models are possible
that both differ in the atmospheric heavy element abundance to
an observationally significant level from the Uranus models. The
first kind of Neptune models is characterized by a rather large
core (Mc $ 3M") and a modest heavy element difference between
the envelopes (changing from 0.6 to 0.8). Alternatively, small core
models are possible with pure water envelopes and a transition
deep inside at $ 0:6RN and $ 0:6MN. Models N2a and N2b are
respective examples (Table 2).

These changes can easily be explained by the new rotation rates.
A slower rotation (Neptune) means a lower centrifugal force. Matter
is then less strongly pushed to the outer region. If the J2, J4 to be
fitted remain about the same, a higher metallicity in the outer part
of the planet is required. Along the adiabat, a higher metallicity
leads to lower internal temperatures. Therefore, Neptune models
with high outer envelope metallicity can become rather cold, with
core-mantle boundary temperatures around 5000 K only.

Example density profiles. The input and resulting parameters of
representative models are given in Table 2 and their density and
mass profiles shown in Fig. 4. The Uranus models clearly stand
out by their big jump in density at $ 75% of the planet’s radius,
where the density falls down to 30% of the inner envelope
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(Z2) of Uranus models (black) and Neptune models (grey) as labeled with the
Voyager shape and rotation data. The solid lines frame the full set of solutions for
each planet. Dashed lines within the box of Neptune models indicate solutions of
same transition pressure in (Mbar) as labeled. Numbers at selected models (filled
circles) give Tc (K), Pc (Mbar), Mc ðM"Þ, the ice-to-tock ratio I:R, and l. The dotted
line is a guide to the eye for the solar metallicity Z% ¼ 0:015.
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Figure 8. Radius evolution of the models of Jupiter and Saturn shown in Figure 7.
The black curves use the new model atmosphere grids presented in this work.
The red curves utilize the same interior structure and solar luminosity, but instead
use the Burrows et al. (1997) grid (see Fortney & Hubbard 2003).
(A color version of this figure is available in the online journal.)

dramatically super-adiabatic in the face of helium composition
gradients (Stevenson & Salpeter 1977a; Fortney & Hubbard
2003).

The model calculations for Jupiter, which yield an age of
5.3 Gyr, rather than 4.6 Gyr, could have important implications
for the planet. Jupiter’s atmosphere is clearly depleted in helium,
according to Galileo Entry Probe data (von Zahn et al. 1998),
which is a strong indication that helium phase separation has
occurred in this planet. Furthermore the atmosphere’s depletion
in neon (Mahaffy et al. 2000) is strongly suggestive of helium
demixing as well, as neon is expected to preferentially dissolve
into helium-rich droplets (Roulston & Stevenson 1995; Wilson
& Militzer 2010). The inclusion of the additional energy
release due to this demixing will further prolong Jupiter’s
cooling (Hubbard et al. 1999), leading to a worse match with
observations.

However, Saumon & Guillot (2004) have investigated cooling
models of Jupiter with a variety of hydrogen EOSs, that predict a
wide range of temperatures in Jupiter’s deep interior, which led
to evolutionary ages for homogeneous models as short as 3 Gyr.
If the deep interior temperatures in Jupiter are lower than those
found with the Saumon et al. (1995) EOS used here, then it is
possible that a combination of the model atmospheres presented
here, helium rain (which prolongs the evolution), and colder
interior temperatures (which quickens the evolution) could yield
a good match to observations. Recent work on the hydrogen
EOS, both theoretically (Nettelmann et al. 2008; Militzer et al.
2008), and experimentally (Holmes et al. 1995; Collins et al.
2001), do yield temperatures lower than predicted by Saumon
et al. (1995), so this avenue is plausible.

3.2. Uranus and Neptune

The long-standing problem for Uranus and Neptune has been
that both of these planets are colder at the present day than
cooling models predict. This is a reverse of the situation for
Saturn. This issue is discussed in some detail in Podolak et al.
(1991) and Hubbard et al. (1995), and in the general literature
in Hubbard & Macfarlane (1980). In order to understand how
advances in input physics over the past 30 years in the EOSs

Figure 9. Thermal evolution models of Uranus (red) and Neptune (blue) for
models that feature three distinct homogeneous layers of H/He, fluid ices, and
rock. The models are constructed to match the Teff of both planets at the present
day, and the evolution is followed backward in time. The thick gray line indicates
the formation of the solar system. The dashed curves are cooling calculations
performed in the manner of Hubbard & Macfarlane (1980), and use the Graboske
et al. (1975) model atmosphere grids. The dotted curves use the same model
atmospheres, but updated water and rock EOSs, which dramatically shorten the
cooling times for both planets. The thick solid curves use the same updated
EOSs as the dotted-curve models, but also use our new model atmospheres.
The thin solid red curve, for Uranus, changes the thick-solid-red model only by
adjusting the current Tint to the upper boundary of the 1σ error bar.
(A color version of this figure is available in the online journal.)

affect the thermal evolution of these planets, we have computed
a set of evolution models that use the physics of the Hubbard
& Macfarlane (1980) models and compared them to our new
calculations. The models presented in Hubbard & Macfarlane
(1980) have three distinct, adiabatic, layers. The H/He envelope
uses the EOS of Slattery & Hubbard (1976), the “icy” layer
uses a mixture the H2O, NH3, and CH4 EOS from Zharkov
& Trubitsyn (1978), and the rocky core (a mixture of silicon,
magnesium, iron, oxygen, and sulfur) is also from Zharkov
& Trubitsyn (1978). Hubbard & Macfarlane (1980) also make
estimates for the specific heat capacity of the icy and rocky
layers. Our implementation of the Hubbard & Macfarlane
(1980) models agree well with the original, particularly for
Uranus, and yield slightly shorter cooling times for both planets
(dashed curves in Figure 9), compared to their work.

To investigate how updated EOSs affect the evolution, we
can create cooling models that use the same ice-to-rock ratio
as used in Hubbard & Macfarlane (1980), 2.71-to-1, and the
same Graboske et al. (1975) atmosphere grid. But instead we
use updated EOSs for all three layers. These are the Saumon
et al. (1995) EOS for H/He and the Sesame EOSs of “water
7154” and “dry sand” (Lyon & Johnson 1992) for water and
rock, respectively. These tabulated ice and rock EOSs include
calculations of the density- and temperature-dependent free
energy at every temperature/density point, so no assumption
must be made for the average heat capacity. In Figure 9, we
compare cooling tracks with old and new EOSs. Following
previous work, we plot these tracks backward in time from the
current day, to see what initial values of Teff could explain the
current planets. The updated EOS yields much faster evolution
for both planets (dotted curves). The change for Neptune is
enough to allow the planet have an initially “hot start.” However,
Uranus models must start at a very low Teff to explain the planet’s
current low Teff . Using these same new interior models, but
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Figure 5. Uranus model atmosphere grid at 1.0 L!. Red is the lowest gravity,
4.0 m s−2, while yellow is the highest, 12.6 m s−2. The x- and y-axes are the
same as in Figures 3 and 4, meaning the Teff s are solid lines and Tints are dotted
lines.
(A color version of this figure is available in the online journal.)

Figure 6. Neptune model atmosphere grid at 1.0 L!. Red is the lowest gravity,
4.0 m s−2, while yellow is the highest, 12.6 m s−2. The grid is generally similar
to that for Uranus, shown in Figure 5, but since the incident flux upon the planet
is smaller, one generally find a smaller Teff for a given Tint. The Teff s are solid
lines and Tints are dotted lines.
(A color version of this figure is available in the online journal.)

and water are neglected in the evolution calculation. Fortney &
Hubbard (2003) use a Bond albedo 0.343 was assumed for both
planets at all ages, while now we use the self-consistent grids.
The cooling times are modestly prolonged, as will be discussed
in detail in Section 3.3.

A particular interesting difference shown in Figure 8 is the
larger radii for the new planet models at young ages, which
is most pronounced in Saturn. This is a manifestation of the
arbitrary initial condition (a hot, ∼3 RJ, adiabatic sphere) along
with the slowed cooling in the 700–400 K Tint range compared
to previous models (See Section 3.3). The initial conditions for
cooling are tied to details of the energetics of planet formation
and are not well understood (Marley et al. 2007a).

The revised cooling age for Saturn does little to change the
long-standing problem that the planet is much more luminous
than homogeneous models predict (Pollack et al. 1977). This
has long been attributed to the phase separation (demixing) of
helium from liquid metallic hydrogen. This helium solubility

Figure 7. Thermal evolution models of Jupiter and Saturn. The upper panel
shows the full evolutionary history, while the lower panel more clearly focuses
on the current era. Solid curves are Teff , while dotted curves are Tint. The thick
black curves use the model atmosphere grids presented in this work, including
the time-variable luminosity of the Sun, a linear increase from 0.72 L! at
time zero. The thinner red curves utilize the same interior structure and solar
luminosity, but instead use the Burrows et al. (1997) grid (see Fortney & Hubbard
2003). The upper curves are for Jupiter while the lower curves are for Saturn.
The current uncertainty is the Teff of each planet is represented by the size of
the square at 4.56 Gyr in the lower panel. The Jupiter model is overluminous
by 10%, with a mean radius of 69,400 km. The evolution of Saturn does not
quite reach the current time, but a slight extrapolation off of the atmosphere grid
shows the Saturn model has only 63% of the actual planet’s luminosity, with a
mean radius 56,200 km.
(A color version of this figure is available in the online journal.)

is thought to be minimized at pressures of several megabars,
at pressures where the (gradual?) dissociation and ionization
of hydrogen is nearly completed (Stevenson 1975). The phase
diagram of H/He mixtures is beyond the realm of current
experiment, but recent advances in first principles calculations
of the H/He phase diagram (Lorenzen et al. 2009; Morales
et al. 2009) should be tested in evolution models (Hubbard et al.
1999; Fortney & Hubbard 2003), to see if the additional energy
source from this “helium rain” can explain Saturn’s luminosity.
Previously calculated phase diagrams were tested in Fortney
& Hubbard (2003) and were found to not explain Saturn’s
thermal evolution. A complication that must be addressed in the
future is whether the deep interior temperature gradient becomes
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A theory which is almost fully analytic is used to investigate Jupiter's cooling rate. We find 
that a simple model of contraction with adiabatic interior structure gives a total cooling time 
to the present which is in good agreement with the age of the solar system. The interplay 
between the surface condition and the cooling rate is exhibited and discussed. The current rate 
of change of the effective temperature is calculated to be -1°K/0.145 X 10 a yr. Discrepancies 
with fully numerical investigations of the Jovian age and cooling rate are noted. 

I. INTRODUCTION 
Hubbard  (1968) showed tha t  the in- 

trinsic thermal  radiation from Jupi ter  
could be at tr ibuted,  in order of magnitude,  
to Kelvin contract ion-cooling of a de- 
generate hydrogen fluid body. Since tha t  
paper, a number  of investigations have 
a t tempted  to s tudy the thermal  his tory of 
Jupi ter  quanti tat ively.  The most elaborate 
calculations available to date are those of 
Graboske et al. (1975; henceforth, GPGO).  
GPGO found tha t  a solar-composition 
object of Jovian mass would evolve from 
an initially gaseous and luminous state  to 
a s tate  resembling the present Jupi ter  in 
a t ime period of 2.6 X 109 yr. The dis- 
crepancy between this cooling t ime and 
the expected age of Jupiter,  roughly 
4.5 X 10 ~ yr, was a t t r ibuted  to possible 
inaccuracies in const i tuent  physics, in- 
cluding thermodynamic  equations and 
departures from an adiabatic tempera ture  
distribution. The thermodynamics  of liquid 
metallic hydrogen has been intensively 
studied recently (DeWit t  and Hubbard,  
1976; henceforth, MCIV),  and the thermal  
properties are now known well enough to 
preclude time-scale uncertainties exceeding 

about  10%. The present paper reports the 
result of independent calculations of Jovian 
cooling using the thermodynamics  of MCIV 
together  with an analytic representat ion 
of the same surface condition used by 
GPGO. Because the calculations are almost 
entirely analytic ra ther  than numerical, 
any interested worker can reproduce the 
results and observe the impact  of varying 
different parameters  on the cooling t ime 
scale. These calculations are published here 
because the shortfall in the cooling t ime 
of Jupi ter  found by GPGO is not  con- 
firmed. The discrepancies between the t ime 
scales of the present investigation and 
those of GPGO are produced almost en- 
tirely during the late, degenerate phase of 
cooling; we have not  carried out inde- 
pendent  calculations for the early, non- 
degenerate phase. Our results indicate tha t  
the simplest possible model of Jovian 
cooling, namely, fully adiabatic s t ructure  
determined by  the atmospheric surface 
condition with no energy sources such as 
unmixing due to immiscibility, is ~d)le to 
give a cooling t ime compatible with the 
expected age of Jupiter.  
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Figure 15. Luminosity of the giant planets as a function of age. Observed
values (Pearl & Conrath 1991) are shown as black dots. The values for Uranus
and Neptune nearly overlap. Estimates at young ages are highly uncertain, and
depend strongly on the details of the formation process, especially for Uranus
and Neptune. Note that Uranus and Neptune cross at age of 1 Gyr, and Neptune
becomes cooler.

experiments have studied a C-N-O-H mixture called “synthetic
Uranus” for use in ice giant modeling (Nellis et al. 1997;
Hubbard et al. 1991). The relative amounts of C, N, and O in
these planet is not constrained by structure models or formation
theory. Also, one must remember that the high-pressure EOS
of planetary material are uncertain. Baraffe et al. (2008) have
quantitatively explored the use of different EOSs for water, rock,
and iron on the structure and evolution of Jupiter- and Neptune-
class exoplanets. The evolution of Uranus and Neptune could
be most affected by EOS uncertainties.

We also caution that the good agreement with observations
for the Neptune cooling models could be a coincidence. Theory
and experiment have probed the phase diagram of pure carbon
and have shown that it is solid diamond at Neptune-interior P–T
conditions. A rain of solid diamond has been suggested for the
interiors of Uranus and Neptune (Ross 1981; Benedetti et al.
1999; Eggert et al. 2010), which could, at least in principle, be
an additional energy source that preferentially powers Neptune
more strongly than Uranus, to explain their dichotomy. These
avenues should be explored in the future.

There are a few paths toward improving the atmosphere grids
presented here. For Jupiter and Saturn, one could investigate
the reduced He/H ratio as the planets age, which would affect
the hydrogen CIA that is an important infrared opacity source
in these atmospheres. We recommend updating CIA opacity
in general, as the state-of-the-art in H-CIA opacity calcula-
tions (e.g., Borysow 2002) are now showing some mismatches
in modeling brown dwarf spectra (Cushing et al. 2008). The
inclusion of condensate clouds, either from equilibrium chem-
istry, such as ammonia and water, or a methane-derived pho-
tochemical haze, are important in accurately modeling the en-
ergy balance and temperature structure of these atmospheres.
Whether this could be understood well enough to predict with
confidence the effects of clouds over the range of past Teff ,
atmospheric chemical mixing ratios, and surface gravity, in a
one-dimensional planet-wide average model atmosphere, is an
open question. It seems likely that further improvement toward

understanding the cooling of the planets will likely come from
work on the EOS of planetary materials.

J.J.F. acknowledges the support of NASA Outer Planets
Research Program grant NNX08AU31G and the Alfred P. Sloan
Foundation. M.S.M. gratefully acknowledges the influence of
Jim Pollack, who was in the planning phases of a similar study
at the time of his untimely passing. Our atmospheric modeling
is strongly influenced by his work. Referee Gilles Chabrier
provided valuable comments that improved the draft.
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■ H-Heの不混和 (He沈降)
H He

(Stevenson & Salpeter,1977)

H-Heの分離：大気中のHe含有量
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Figure from Fortney & Hubbard (2004, ApJ)
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Fig. 5 Evolutionary models of
Saturn including helium phase
separation, adapted from Fortney
and Hubbard (2004). “HDW”
uses the H/He phase diagram of
Hubbard and Dewitt (1985),
which allows immiscible helium
to redissolve at higher pressures
and hotter temperatures in the
liquid metallic hydrogen.
“MPfaff” is an ad-hoc phase
diagram that forces immiscible
helium to rain down to Saturn’s
core

gravitational potential energy. In light of the new first principles calculations of H/He phase
diagrams (Lorenzen et al. 2009; Morales et al. 2009), thermal evolution models of Jupiter
and Saturn should now be revisited.

2.7 Results: Evolution of Uranus and Neptune

In the previous section we have seen that homogeneous evolution models work well for
Jupiter, but not for Saturn , yielding cooling times that are too short. In this section we will
see that homogeneous evolution models work fairly well for Neptune, but certainly not for
Uranus, yielding cooling times too long to be consistent with the age of the solar system.

The general results of Sects. 2.6 and 2.7 is based on solving the common energy balance
equation

L − L" = Lint (1)

where L(t) = 4πR2(t)σTeff(t)
4 is the luminosity (mostly measured as flux in the mid in-

frared) of the planet attributed to an effective temperature Teff. Here, L"(t) = 4πR2(t) ×
σTeq(t)

4 is the luminosity due to only to thermalized and reradiated absorbed solar flux, as
parameterized by the equilibrium temperature Teq, the Teff that planet would have in case
of no intrinsic luminosity, Lint(t). Taking into account cooling and ongoing gravitational
contraction as energy sources to supply the radiative losses, we can write

Lint(t) = −
∫ M

0
dmT (m, t)

∂s(m, t)

∂t
, (2)

where T (m, t) is the internal temperature profile at time t and s(m, t) is the specific entropy.
With a relation between the Teff and the atmospheric temperature at say, 1 bar (see, e.g.,
Burrows et al. 1997 for detailed atmosphere models for warmer planets), (1) and (2) can be
converted into a single differential equation for Teff(t). Often an arbitrary initial condition
is used (see Sect. 4.3) and the early Teff drops very quickly, such that planets “forget” their

calculated the first evolutionary models that coupled high–
pressure phase diagrams of hydrogen-helium mixtures and a
grid of radiative atmosphere models for giant planets. A
variety of Saturn evolutionary models were calculated that
included helium phase separation. The main findings of
Paper I were as follows. The phase diagram of Hubbard &
Dewitt (1985), which is essentially the same as that of
Stevenson (1975), is inapplicable to the interiors of Jupiter
and Saturn, if helium phase separation is Saturn’s only ad-
ditional energy source. These phase diagrams predict that A
from equation (1) is a decreasing function of pressure. As
Figure 3 shows, this phase diagram prolongs Saturn’s cooling
0.8 Gyr, even in the most favorable circumstance that all
energy liberated is available to be radiated, and does not
instead go into heating the planet’s deep interior. Paper I
found that if one were to match the Yatmos of Conrath &
Gautier (2000) and prolong Saturn’s evolution to a TeA of
95.0 K at 4.56 Gyr, the helium that becomes immiscible and
rains down to deeper layers needs to rain far down into the
planet, likely all the way to the core, in order for enough

energy to be released and still match the relatively high
(Yatmos ¼ 0:18 0:25) helium abundance.

In Paper I, an ad hoc phase diagram was created that was
essentially a modification of the phase diagram calculated by
Pfaffenzeller et al. (1995). (Pfaffenzeller et al. 1995 find a
phase diagram in which A from eq. [1] is an increasing
function of pressure.) To simplify the evolution of the planets,
the ad hoc phase diagram was constructed such that helium
immiscibility region runs exactly parallel to the planets’ in-
ternal adiabats. Therefore, there is no region for the helium
droplets to redissolve in the liquid metallic hydrogen. This
causes helium that phase-separates to rain all thewaydown to the
planet’s heavy element core. Consequently, all hydrogen/helium
regions, molecular and metallic, become more helium-poor as
the helium layer on top of the core grows. This ad hoc phase
diagram allows Saturn to reach an age of 4.56 Gyr and TeA
of 95 K, while its Yatmos drops to 0.185. Figure 3 shows the evo-
lution of TeA versus time. With this phase diagram, Jupiter
evolves homogeneously to the present day and reaches
"4.7 Gyr at 124.4 K without helium becoming immiscible.

Fig. 2.—Our current understanding of the high–pressure phase diagram of hydrogen. Regions of liquid molecular hydrogen (H2) and liquid metallic hydrogen
(Hþ) are shown at high temperatures and their solid counterparts at much lower temperatures. The curve marked ‘‘PPT?’’ is a possible transition from liquid H2 to
liquid Hþ, as calculated by Saumon et al. (1995). The solid line marked 50% shows, from the theory of Ross (1998), where liquid H2 should be 50% dissociated.
Laser shock data points from Collins et al. (1998) are shown as a dash-dotted line. The reverberation shock data of Nellis et al. (1999) are shown as plus signs (for
deuterium) and asterisks (for hydrogen). The large black dot indicates the highest pressure that the conductivity of H2 has been measured, which seems to indicate
H2 may be 10% dissociated at this point (Nellis et al. 1999). The calculated region of helium immiscibility from Hubbard & Dewitt (1985) and Stevenson (1975) is
labeled HDW/S. The lines marked Y ¼ 0:27 and Y ¼ 0:21 mark the immiscibility boundaries for these two compositions. The parallel lines labeled ‘‘Pfaff.’’ show
the helium immiscibility region as calculated by Pfaffenzeller et al. (1995). Again, the upper boundary is for Y ¼ 0:27 and the lower for 0.21, although they are not
labeled to avoid clutter. The current internal adiabats of Jupiter and Saturn are shown as heavy lines, while the dashed extensions show the pressure range within
their cores. Also shown in a heavy line is the adiabat of a hypothetical coreless 0.15MJ planet at an age of 4.5 Gyr. The parallel lines marked ‘‘P1’’ between the
Jupiter and Saturn adiabats is the ad hoc immiscibility region from Paper I. The immiscibility lines are defined to be exactly parallel to the adiabats. The arrow near
P1 is meant to indicate that the immiscibility curves continue at this slope to higher pressures.
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FIG. 4. (Color online) Miscibility gap in the hydrogen-helium
system for 1 Mbar (blue/dark gray) and 2 Mbar (green/gray). Also
shown are isolines of the electrical conductivity near the Mott
value of 2 × 104/! m (dashed and dotted lines). The mean solar
helium fraction of xsolar = 0.086 as relevant for Jupiter and Saturn is
indicated.

These calculations were performed with 32–64 atoms
(64 electrons) as in Ref. 22. For each considered pressure and
temperature the Gibbs free energy of mixing is analyzed with a
double tangent construction to get the region of demixing—for
details see Ref. 22.

Morales et al.21 applied thermodynamic integration in
order to calculate the entropy of mixing. For this procedure
additional EOS data at each helium fraction is needed for the
integration to be accurate. However, for this study we decided
to apply the ideal approximation for the entropy of mixing
in favor of the number of considered helium fractions. As a
consequence, we were able to analyze up to 33 different helium
fractions in order to apply the double tangent construction
very accurately. Comparison shows that the demixing curves
derived from both approaches are very similar. Taking into
account the current development of computing power, it will
be possible to combine the exact calculation of the Gibbs free
energy with a highly accurate double tangent construction in
the future.

The resulting miscibility gap is shown in Fig. 4. We have
also extracted the temperature of metallization from Fig. 1
using different values for the conductivity as a criterion,
including the minimum metallic conductivity of 2 × 104/! m
as proposed by Mott for T = 0 K. Although it is not possible to
distinguish sharply between metallic and nonmetallic states at
finite temperatures, the isolines of the electrical conductivity
clearly show a close connection between metallization and
demixing. Most strikingly, the beginning of the demixing
islands at 1 and 2 Mbar coincides very well with the respective
metallization temperatures. However, for 2 Mbar metallization
occurs already at much lower temperatures, e.g., below 1000 K
for pure hydrogen,33 merging the demixing region with the area
of possible solid hydrogen-helium alloys. A detailed study of
such alloys would be an enormous effort by itself and is not
within the scope of this paper, especially since these states are
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FIG. 5. (Color online) Demixing region (yellow/light gray area)
for a helium fraction of x = 0.086 in comparison with the isentropes
(black) of Jupiter (Ref. 2) (solid line) and Saturn (dashed line). The
filled circles are the calculated data from Fig. 4 and Ref. 22, and the
open circle at 2 Mbar is extracted from the conductivity data in Fig. 1.
The line is a fit to these points. The results of Morales et al. (Ref. 21)
for the demixing line are also shown (squares). We compare with the
phase diagram of hydrogen (red/medium gray). The melting line is
taken from Ref. 32 and the coexistence line of the liquid-liquid phase
transition with its critical point from Ref. 33. For helium we show
the melting line [blue/dark gray; Kechin-type fit (Ref. 65) to exper-
imental data (Refs. 66–70) and our recent high-pressure prediction
(Ref. 22)].

not relevant for the interior of solar giant planets. Therefore,
we only show the miscibility gap down to 2000 K, i.e., above
the melting temperature of helium.22

As in Refs. 21,22, we show the demixing line for the
mean helium fraction in Jupiter and Saturn in Fig. 5, however,
this time for the lower pressures considered here. While the
agreement with the calculations of Morales et al.21 is good
(taking into account all uncertainties in both methods), their
deviations and the closeness of the demixing temperature to
the temperature along the Jovian isentrope show the necessity
to have still more accurate data in the low-pressure region
in order to make a definite statement regarding demixing in
Jupiter. The temperature inside Saturn is lower than in Jupiter
so that its isentrope is deep inside the demixing region for both
calculations. Thus, demixing is very important for the interior
of giant planets, more so for Saturn than for Jupiter.

The islands of demixing in Fig. 4 lead to a demixing
region with lower and upper limits in Fig. 5. This is a
direct consequence of the metallization as the driving force
of demixing, since the lower boundary is determined by the
metallization of hydrogen. This is nicely illustrated by the
coexistence line of the nonmetal-to-metal phase transition22

in Fig. 5. Our calculations show also that the prediction
of classical Monte Carlo simulations71 for 1500 K and
0.45 Mbar, which was included in our previous paper,22 is no
longer valid there. The melting lines of hydrogen and helium
indicate the merging of possible hydrogen-helium alloys and
the demixing region, but also their unimportance for most
planetary interiors.
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FIG. 6. (Color) Snapshot of a simulation for x = 1/3, ! =
4 g/cm3, T = 6000 K, and P ≈ 20 Mbar visualized with the VMD
program (Ref. 72). Shown are the ions (small spheres) and isosurfaces
of the specific particle density for ni = 0.5/Å3. Blue: helium; red:
hydrogen.

V. DIRECT SIMULATION OF DEMIXING

To study the effect of demixing directly, i.e., without using
the ideal entropy of mixing or thermodynamic integration,
we have performed simulations with 2048 electrons for x =
1/3, i.e., 1024 hydrogen atoms and 512 helium atoms, at a
constant density of ! = 4 g/cm3 and temperatures between
6000 and 12 000 K. With this high (and demanding) particle
number it was possible to see demixing effects directly inside
the simulation box. A typical snapshot of such a simulation at
6000 K, i.e., inside the demixing region, is shown in Fig. 6. We
can identify helium-rich (blue) and helium-poor (red) regions.
Note that we did not prepare a demixed state but started from a
homogeneously mixed one and then let the system equilibrate.
After a simulation time of ∼1 ps (a few thousand time steps)
the demixing could be seen clearly and was stable until the end
of the simulation (a further 3-ps simulation time). At higher
temperatures the demixing effect decreases.

For a more quantitative evaluation we have calculated
the radial distribution functions from these simulations—see
Fig. 7. Inside the demixing region, due to the formation of
helium or hydrogen droplets, the probability of finding an
ion of the same species in the vicinity of an ion is enhanced
compared to an even distribution of ions. This results in an
increased radial distribution function at low distances for H-H
and He-He, while the H-He distribution function is decreased
at low distances.

To further analyze the droplet formation we have deter-
mined the center of mass of the helium droplet at each time
step of the simulation and evaluated the helium fractions inside
spherical shells around this center of mass. This is shown for
the same conditions as before in Fig. 8. For 6000 K, i.e., well
inside the demixing region, a very pronounced helium droplet
with a helium fraction of approximately x = 0.98 appears.
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FIG. 7. (Color online) Radial distribution functions for H-H, He-
He, and H-He at ! = 4 g/cm3 and temperatures between 6000 and
12 000 K.

With increasing temperature the helium fraction inside this
droplet decreases, and at 12 000 K the droplet is nearly
vanished, in agreement with the results for the miscibility gap
as derived from thermodynamic constraints.22 However, since
finite-size effects might still play a role, this direct method is
at the moment not suitable to check the accuracy of the ideal
entropy of mixing approximation.
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FIG. 8. (Color online) Helium fractions around the center of mass
(COM) of the helium droplet for ! = 4 g/cm3 and temperatures
between 6000 and 12 000 K. The total helium fraction in the
simulation box is indicated by xmean (gray line).
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Figure from Leconte & Chabrier (2012. A&A)
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Fig. 1. Stability diagram for a medium
presenting a destabilizing temperature
gradient and a stabilizing solute gra-
dient, as a function of increasing R−1

ρ

(decreasing Rρ). The usual instabil-
ity Ledoux criterion corresponds to
R−1
ρ ! 1.

of mean molecular weight (µ), ∇µ ≡ d ln µ
d ln P . The actual dynamical

state of the medium depends on the value of the density ratio

Rρ ≡
αT

αµ

∇T − ∇ad

∇µ
, (2)

where αT ≡ − ∂ ln ρ
∂ ln T

∣∣∣∣
P,µ

, αµ ≡ ∂ ln ρ
∂ lnµ

∣∣∣∣
P,T

1 (Stern 1960).

When both the mean molecular weight (due e.g. to a higher
concentration of salt in salty water) and the temperature increase
with height (∇µ and (∇T − ∇ad) < 0), the compositional gradi-
ent is destabilizing, while the temperature gradient is stabilizing.
This is referred to as the fingering case. In that case, convective
instability develops when Rρ < 1, which is equivalent to the
Ledoux instability criterion. But even if 1 < Rρ < 1/τ, where
τ = D/κT is the ratio of solute (D) to thermal (κT ) diffusivities,
the slower diffusivity of elements compared to heat yields the so-
called double-diffusive instability, which in turn leads to the for-
mation of salt fingers and, sometimes, of thermo-compositional
staircases, as observed in some parts of the oceans and in labo-
ratory experiments (Turner 1967).

The opposite case, referred to as the diffusive case, corre-
sponds to a fluid exhibiting a positive molecular weight gradient
(∇µ > 0). In that case, the fluid will be convectively unstable if
this gradient is insufficient to stabilize the system against con-
vective instability, i.e. if the Ledoux instability criterion,

∇T − ∇ad >
αµ
αT
∇µ ⇔ Rρ > 1, i.e. R−1

ρ < 1, (3)

is met2. However, in the regions which are stable according to
the Ledoux criterion, i.e. R−1

ρ > 1, but unstable according to the
Schwarzschild criterion,

∇T > ∇ad, (4)

what happens is less clear, especially in the astrophysical con-
text, where the very low values of the Prandlt number (Pr ≡
ν/κT , where ν is the kinematic viscosity) make direct numeri-
cal hydrodynamical simulations difficult. In particular, the exact
nature of double diffusive convection, if it occurs, remains uncer-
tain (homogeneous oscillatory convection or layered convection,
i.e. uniformly mixed convective layers separated by thin diffu-
sive interfaces characterized by a steep jump in the mean molec-
ular weight). Analytical arguments (Radko 2003) and recent 3D
hydrodynamical simulations (Rosenblum et al. 2011; Mirouh
et al. 2012), however, seem to suggest the picture presented in
Fig. 1. When the mean molecular weight gradient (∝R−1

ρ ) de-
creases in a stable medium, homogeneous oscillatory convec-
tion, also called turbulent diffusion, first appears for

R−1
min ! R−1

ρ !
Pr + 1
Pr + τ

(oscillatory convection), (5)

1 For a perfect gas, αµ = 1 and αT = 1, as used hereafter.
2 As discussed by Rosenblum et al. (2011), the analogy between the
fingering and the diffusive case is more apparent when the inverse den-
sity ratio, R−1

ρ , is used, as is done in the rest of the paper.

while well defined thermo/compositional layers start to develop
when

1 ! R−1
ρ ! R−1

min (layered convection). (6)

Here R−1
min corresponds to the point where the solute to heat buoy-

ancy flux ratio (≡γ−1) stops decreasing when R−1
ρ increases (see

Radko 2003 for details). Its exact value, however, depends on
the characteristics of the medium in a nontrivial way and is dif-
ficult to estimate (Rosenblum et al. 2011; Mirouh et al. 2012).
For smaller ∇µ gradients, the medium is unstable according to
the Ledoux criterion, and the thermal forcing is strong enough
to force large-scale overturning convection.

Various arguments seem to support, or at least not to exclude,
the existence of layered convection under planetary conditions
(Chabrier & Baraffe 2007). Conducting 3D hydrodynamics cal-
culations over a wide domain of parameter space (Prandlt num-
ber and atomic to thermal diffusivity ratio) including the regime
relevant for planetary interiors, Mirouh et al. (2012) always find
a domain where γ−1 decreases with R−1

ρ , a necessary and suf-
ficient condition for the layering instability, thus layer forma-
tion to occur. A central question is then the size of the layers,
which is examined in Sect. 4. In any event, both homogeneous
double-diffusive convection and layered convection – generi-
cally denominated as “semiconvection” in the following – are
found to yield thermal and compositional fluxes that are signifi-
cantly smaller than expected from standard convection. Indeed,
the presence of diffusive interfaces strongly decreases the ef-
ficiency of heat transport compared with large-scale, adiabatic
convection, leading in planet interiors to a significant departure
from the usual adiabatic profile, as quantified below.

3. An analytical theory for layered convection

To investigate the impact of such strongly hampered convection
on giant planet internal structure, we developed a simple subgrid
model of layered convection. As illustrated in Fig. 2 and found
in simulations (Rosenblum et al. 2011; Mirouh et al. 2012), we
consider that a semiconvective zone consists of a large number,
Nl, of well mixed convectively unstable layers of size l, separated
by thin diffusive interfaces of thermal thickness δT , within which
the large stabilizing compositional gradient completely inhibits
convective motions.

3.1. Convective layers

Within each convective layer, the fluid is expected to follow the
dynamics found in turbulent Rayleigh-Bénard convection within
a cell of typical height equal to the size of the layer, l. By analogy
with the mixing length formalism (see details in Appendix A),
we define a dimensionless mixing length parameter by dividing l
by the pressure scale height, α ≡ l/HP.
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Figure from Leconte & Chabrier (2012. A&A)
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Fig. 2. Schematic representation of the interiors of Jupiter and Saturn, according to the present study, and of layered convection, with the resulting
compositional and thermal radial profiles. The abundance of metals is constant within the well mixed convective cells of size l, and undergoes a
steep variation within the diffusive interfaces of thermal size δT (gray regions). Thanks to this steep gradient, these interfaces are stable against
convection and energy and matter are transported therein by diffusive processes. Because the size of these layers is very small compared with the
size of the planet, the mean thermal and compositional gradients (〈∇T 〉 and 〈∇µ〉) can be used in good approximation to infer the planet’s overall
structure.

In a laboratory or a numerical experiment, the efficiency of
the convection is characterized by the thermal Nusselt number,

NuT ≡
Ftot − Fad

d

Fd − Fad
d

, (7)

where by definition the total intrinsic flux (Ftot), the flux trans-
ported by diffusive processes (Fd), and the diffusive flux that
would be present in a completely adiabatic zone (Fad

d ) are given
by (Cox & Giuli 1968; Hansen & Kawaler 1994)



Ftot
Fd
Fad

d


 ≡ κT

ρ cPT
HP



∇d
∇T
∇ad


 , (8)

where cP is the heat capacity at constant pressure. It is found
that, for high Rayleigh numbers, the Nusselt number follows a
law of the type

NuT = CL Raa
$, (9)

where Ra$ is a modified Rayleigh number3, which is the ratio
of the strength of the thermal forcing to the one of the radiative
losses

Ra$ ≡
αT gH3

P

κ2T
α4 (∇T − ∇ad) =

(
N2

T l4/κ2T

)
. (10)

Here, g is the local gravity acceleration, and NT the
Brunt-Väisälä frequency.

As convection at very high Rayleigh numbers is difficult
to study either experimentally or computationally, it is diffi-
cult to give precise values for a and CL. For the bounded
Rayleigh-Bénard problem, theoretical models suggest that the
exponent of the convective flux law, a, could be equal to one
third (Garaud et al. 2010)4. However, experiments done by

3 Indeed, in the astrophysical context, it is convenient to use Ra$ =
Pr × Ra, where Ra is the usual Rayleigh number.
4 Although the simulations presented by Rosenblum et al. (2011) seem
to support exponent values lower than 1/3, suggesting that interfaces act
as impermeable boundaries, it should be noticed that the height of the
layers present in their simulations is small compared to a pressure scale
height. Their conclusion may thus not be valid for thicker layers.

Krishnamurti (1995) tend to show that this exponent could be
lower, and as low as a = 0.2. On the other hand, for ho-
mogeneous Rayleigh-Bénard convection (without boundaries),
Garaud et al. (2010) show that the regime predicted by the mix-
ing length theory, i.e. NuT = Ra1/2

$ (CL = 1, a = 1/2; see
Appendix A), is recovered. In the following, we thus consider
0.2 ! a ! 0.5 and CL = 1.

Equation (9) is sufficient to calculate the flux transported
by convection once the super adiabaticity is known. To com-
pute this, however, we must first define a quantity that can be
computed a priori from the local thermodynamical properties of
the medium and the total internal energy flux to be transported.
Following Hansen & Kawaler (1994), this convective forcing can
be defined by

Φ ≡ NuT × Ra$. (11)

Introducing εd ≡ ∇d − ∇ad, we rewrite Eq. (11) as Φ ≡ Φ0 α4 εd
where

Φ0 ≡


αTgH3

P

κ2T


 · (12)

It is clear from Eq. (11) thatΦ0 is a local constant of the medium,
which characterizes its ability to transport energy by convection,
independently of the mixing length or of the flux to be trans-
ported (∝εd).

Then, from Eqs. (9) and (11), one sees that in a region where
convection remains efficient enough,

Φ = NuT × Ra$ = CL Ra1+a
$ ⇒ Ra$ =

(
Φ

CL

)1/(1+a)

, (13)

which yields the super adiabaticity,

εT ≡ ∇T − ∇ad =

(
εd

NuT

)
=

(
εd

CLΦ
a
0 α

4 a

)1/(1+a)

. (14)

The range of super adiabaticity in the convective layers implied
by this equation for the various possible exponents a is shown
in Fig. 3 (pale red area). As seen, the uncertainty on a leads to a
large dispersion on this super adiabaticity. In this high convective
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Figure 2 | Cooling sequences of Saturn models with layered convection.
a, Effective (Teff; solid curves) and intrinsic (Tint; dashed curves)
temperature (see Methods) evolution in time for the adiabatic reference
model (black) and three models with layered convection (↵ = 10�2.5, 10�3

and 10�3.5 from dark to light red). b, Zoom on present era. Dots show the
observed effective temperature. At early ages, the effective temperature of
models with layered convection is lower owing to inefficient convection.
After a few hundred million years, these models become brighter owing to
the release of the excess of energy stored from the initial state.

layered convection is favoured over homogeneous double diffusive
convection (Supplementary Information). However, the question
remains whether layered convection can also explain the present
luminosity of the giant planets.

To answer this question, we have computed the thermal
evolution of planets with layered convection. As departure from
adiabaticity can be significant in these interiors, usual isentropic
evolution calculations2 cannot be used. Instead, the evolution is
computed by integrating the intrinsic luminosity, Lint =�dEtot/dt ,
where the total energyEtot =Eg+Eth+Erot includes the gravitational,
thermal and rotational energies (see Methods). The size of
the convective/diffusive layers is assumed to have reached an
equilibriumvalue13,15 and is thus kept constant. For all of themodels
(that is, the reference, homogeneous/adiabatic case and the semi
convective ones, for any given ↵), the amount of heavy elements
is kept constant and equal to the one that fulfils the gravitational
moment constraints13 (Supplementary Information).

As illustrated in Fig. 1, our results show that starting from the
same total internal energy, the time required to release a given
amount of this energy is significantly longer in the layered case than
in the homogeneous adiabatic one. This does not imply, however,
that the intrinsic luminosity of the object will necessarily be larger
at any given time. On the contrary, at early ages, objects with
a layered convection zone are far less luminous because of the
reduced heat flux release. However, after some time, the decrease
in luminosity imposed by layered convection is overpowered by
the increase of internal energy to be released and planets with
layered convection eventually become more luminous than the
ones with adiabatic interiors (Fig. 2). In Saturn’s case, this crossing
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Figure 3 | Impact of the size of the layered convection zone on Saturn’s
cooling sequence. a, Effective (Teff; solid curves) and intrinsic (Tint; dashed
curves) temperature evolution for the adiabatic model (black curve) and
three scenarios with layered convection. b, Zoom on the present era. From
darker to lighter red curves: our baseline scenario with layered convection
present throughout the gaseous envelope of the planet (MLC = 0.8M,
where M is the total mass of the planet; ↵ = 2⇥ 10�3), a scenario where
only the inner 50% of the envelope exhibits layered convection
(MLC ⇡ 0.5M; ↵ = 2⇥ 10�4), a case with a layered convection shell
between 0.5 and 0.7 M (MLC ⇡ 0.2 M; ↵ = 10�4).

time occurs before Saturn’s present age so that layered convection
yields a larger luminosity at 4.6 Gyr. As shown in Figs 2 and 3,
if the size of the convective layers is about 2–3⇥ 10�3 pressure
scale heights, this process properly leads to the present observed
effective temperature, radius and gravitational moments of the
planet without any additional energy source such as helium rains.
The radius evolution of these models is shown in Supplementary
Fig. S1. For this range of layer sizes, the present interior temperature
of Saturn is only modestly affected compared with the adiabatic
case (Supplementary Fig. S2). The temperature during the early
evolution, however, is much higher.

Figure 2 suggests that Saturn models with convective/diffusive
layers smaller than 2–3⇥ 10�3 pressure scale heights will be too
bright at the age of the Solar System. This is not necessarily true.
If layered convection develops only within a restricted fraction of
the planet, models with a lower convective efficiency (lower ↵) in
the layered zone and with an efficient convection everywhere else
can also reproduce Saturn’s proper cooling timescale. Our results
are valid for very different sizes of the layered convection zone.
Without covering the whole parameter space, we illustrate this by
showing an evolution track for Saturn where layered convection is
restricted to the inner 50% in mass of the planet above the core,
with ↵ = 2⇥ 10�4, and another track where layered convection
occurs in a shell between 50 and 70% of the planet’s mass (Fig. 3).
This latter case shows that the layered convection region does not
need to extend down to the core and could be present around
the molecular–metallic transition region or near an immiscibility
region in the gaseous envelope.

348 NATURE GEOSCIENCE | VOL 6 | MAY 2013 | www.nature.com/naturegeoscience

Figure from Leconte & Chabrier (2013. Nat. Geo)

Wb Z?�6e�CI

準対流熱進化モデル

LETTERS NATURE GEOSCIENCE DOI: 10.1038/NGEO1791

0.01 0.1 1 10

100

200

150

4.0 4.2 4.4 4.6 4.8 5.0
85

90

95

100

105

110

115

Adiabatic

Age (Gyr)

Ef
fe

ct
iv

e 
te

m
pe

ra
tu

re
 (

K
)

Ef
fe

ct
iv

e 
te

m
pe

ra
tu

re
 (

K
)

 = 10¬2.5

 = 10¬3

 = 10¬3.5

b

α
α

α

a

Age (Gyr)

Figure 2 | Cooling sequences of Saturn models with layered convection.
a, Effective (Teff; solid curves) and intrinsic (Tint; dashed curves)
temperature (see Methods) evolution in time for the adiabatic reference
model (black) and three models with layered convection (↵ = 10�2.5, 10�3

and 10�3.5 from dark to light red). b, Zoom on present era. Dots show the
observed effective temperature. At early ages, the effective temperature of
models with layered convection is lower owing to inefficient convection.
After a few hundred million years, these models become brighter owing to
the release of the excess of energy stored from the initial state.

layered convection is favoured over homogeneous double diffusive
convection (Supplementary Information). However, the question
remains whether layered convection can also explain the present
luminosity of the giant planets.

To answer this question, we have computed the thermal
evolution of planets with layered convection. As departure from
adiabaticity can be significant in these interiors, usual isentropic
evolution calculations2 cannot be used. Instead, the evolution is
computed by integrating the intrinsic luminosity, Lint =�dEtot/dt ,
where the total energyEtot =Eg+Eth+Erot includes the gravitational,
thermal and rotational energies (see Methods). The size of
the convective/diffusive layers is assumed to have reached an
equilibriumvalue13,15 and is thus kept constant. For all of themodels
(that is, the reference, homogeneous/adiabatic case and the semi
convective ones, for any given ↵), the amount of heavy elements
is kept constant and equal to the one that fulfils the gravitational
moment constraints13 (Supplementary Information).

As illustrated in Fig. 1, our results show that starting from the
same total internal energy, the time required to release a given
amount of this energy is significantly longer in the layered case than
in the homogeneous adiabatic one. This does not imply, however,
that the intrinsic luminosity of the object will necessarily be larger
at any given time. On the contrary, at early ages, objects with
a layered convection zone are far less luminous because of the
reduced heat flux release. However, after some time, the decrease
in luminosity imposed by layered convection is overpowered by
the increase of internal energy to be released and planets with
layered convection eventually become more luminous than the
ones with adiabatic interiors (Fig. 2). In Saturn’s case, this crossing

0.01 0.1 1 10

100

200

300

b

MLC = 0.5 M

MLC = 0.2 M

MLC = 0.8 M

150

4.0 4.2 4.4 4.6 4.8 5.0
88

90

92

94

96

98

Adiabatic

Ef
fe

ct
iv

e 
te

m
pe

ra
tu

re
 (

K
)

Ef
fe

ct
iv

e 
te

m
pe

ra
tu

re
 (

K
)

Age (Gyr)

a

Age (Gyr)

Figure 3 | Impact of the size of the layered convection zone on Saturn’s
cooling sequence. a, Effective (Teff; solid curves) and intrinsic (Tint; dashed
curves) temperature evolution for the adiabatic model (black curve) and
three scenarios with layered convection. b, Zoom on the present era. From
darker to lighter red curves: our baseline scenario with layered convection
present throughout the gaseous envelope of the planet (MLC = 0.8M,
where M is the total mass of the planet; ↵ = 2⇥ 10�3), a scenario where
only the inner 50% of the envelope exhibits layered convection
(MLC ⇡ 0.5M; ↵ = 2⇥ 10�4), a case with a layered convection shell
between 0.5 and 0.7 M (MLC ⇡ 0.2 M; ↵ = 10�4).

time occurs before Saturn’s present age so that layered convection
yields a larger luminosity at 4.6 Gyr. As shown in Figs 2 and 3,
if the size of the convective layers is about 2–3⇥ 10�3 pressure
scale heights, this process properly leads to the present observed
effective temperature, radius and gravitational moments of the
planet without any additional energy source such as helium rains.
The radius evolution of these models is shown in Supplementary
Fig. S1. For this range of layer sizes, the present interior temperature
of Saturn is only modestly affected compared with the adiabatic
case (Supplementary Fig. S2). The temperature during the early
evolution, however, is much higher.

Figure 2 suggests that Saturn models with convective/diffusive
layers smaller than 2–3⇥ 10�3 pressure scale heights will be too
bright at the age of the Solar System. This is not necessarily true.
If layered convection develops only within a restricted fraction of
the planet, models with a lower convective efficiency (lower ↵) in
the layered zone and with an efficient convection everywhere else
can also reproduce Saturn’s proper cooling timescale. Our results
are valid for very different sizes of the layered convection zone.
Without covering the whole parameter space, we illustrate this by
showing an evolution track for Saturn where layered convection is
restricted to the inner 50% in mass of the planet above the core,
with ↵ = 2⇥ 10�4, and another track where layered convection
occurs in a shell between 50 and 70% of the planet’s mass (Fig. 3).
This latter case shows that the layered convection region does not
need to extend down to the core and could be present around
the molecular–metallic transition region or near an immiscibility
region in the gaseous envelope.
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Fig. 7. Mass range of heavy elements in the core (Mc) and in the enve-
lope (MZ,env) consistent with all observational constraints, for different
numbers of layers, for Jupiter (bottom right) and Saturn (upper left).
The open dots at the upper left of each region correspond to the homo-
geneous interior models. As the number of semiconvective layers in-
creases, the efficiency of convection decreases, and the heavy element
mass fraction increases to counteract the radius increase induced by the
planet’s higher internal temperature. The metals initially present in the
core are then redistributed within the envelope. For Jupiter, solutions
with no core at all (Mc = 0) can be found for the non adiabatic models
(red dots).

core mass at fixed number of layers illustrated in Fig. 7 is ob-
tained when varying the core composition from pure ice (top)
to pure rock (bottom). In Jupiter the inferred core mass is too
low for the equation of state to make a significant difference.
One could wonder why the homogeneous case is not continu-
ously recovered when α tends toward 1. This slightly counter-
intuitive effect arises because completely homogeneous models
(central core plus a fully homogeneous envelope) cannot in gen-
eral reproduce both the observed J2 and J4, at least when using
the SCvH EOS (Chabrier et al. 1992; Saumon & Guillot 2004).
Thus, if we relax the constant Z condition in the envelope, the
presence of a compositional gradient and of a smaller core ap-
pears to be the best solution for reproducing observational data,
even in the absence of any additional superadiabaticity.

For Jupiter, models can be found that match the gravita-
tional moments without the presence of a central, completely
differentiated core. These are shown as red dots on the bot-
tom right of Fig. 7). Such cases yield an atmospheric metallicity
Zatm ∼ 4−5 Z#. That the possible erosion of the core mass would
have been more efficient in Jupiter than in Saturn might stem
from the larger energy flux available in Jupiter (Guillot et al.
2004).

6. Prospect for giant planet evolution

While the aim of present study is to examine and to constrain
the properties of transport by semiconvection inside Jupiter and
Saturn at the present time, the impact of nonadiabatic interiors

Table 3. Heavy element content for Jupiter and Saturn inferred from the
various models consistent with the observational constraints within the
quoted observational uncertainties.

Jupiter Saturn
Region Amount of heavy elements (M⊕)

Homogeneous model
Envelope 36 4.7
Core 3.9 25.6
Total 40 30.3

Semiconvective models
Envelope 41–63.5 10–36
Core 0–0.5 10–21
Total 41–63 26–50

on the cooling of these planets, and of giant planets in general,
remains to be explored. This requires more cumbersome evo-
lutionary calculations, for which initial conditions will be cru-
cial, as will be explored in a forthcoming study. Evolution will
add an additional constraint, namely that the planet cooling rates
yield the correct properties at the age of the solar system, which
will put more stringent constraints on the range of possible layer
sizes/numbers. Without going into such detailed calculations,
however, the following points can be mentioned.

6.1. Merging of the layers

As mentioned in Sect. 4, soon after they form, layers are ex-
pected to merge, leading to thicker layers, until the layer height
reaches either the planet size, yielding a standard adiabatic in-
terior, or an equilibrium value, which is the semiconvective
case considered here. Numerical simulations by Radko (2005)
and Rosenblum et al. (2011) tend to show that the equilibra-
tion timescale of the staircase is much shorter than the typical
timescale for the evolution of the planet.

Thus, if an equilibrium height is reached, as discussed in
Sect. 4.1, this rather quick equilibration timescale suggests that
the layer size should remain roughly constant during the evolu-
tion, or change slowly with the mean properties of the medium
(e.g. the mean molecular weight gradient). Because precise pre-
scription for the height of the layers is still lacking and demands
a more precise knowledge of the heat transport properties of lay-
ered convection under astrophysical conditions, it seems reason-
able, as a first guess, to use a constant size, whose value has been
constrained in the earlier sections, throughout the evolution.

6.2. Initial heavy element distribution

Conventional models based on fully adiabatic thermal profiles
notably lead to cooling times about 15% longer than the age of
the solar system for Jupiter (Fortney et al. 2011). In principle, the
hotter non-adiabatic internal structures suggested in the present
paper will prolong the cooling and thus worsen the problem.

However, in the case of the erosion of an initially large core,
part of the gravitational work will be spent eroding the core and
mixing the material upward and will thus not contribute to the
total luminosity, thereby quickening the cooling. All these ef-
fects must be properly accounted for to determine the appropri-
ate cooling timescale.

In addition, if Jupiter and Saturn initial cores were allowed
to be relatively large (>∼10 M⊕), the corresponding high surface
density of solids in the protosolar nebula will quicken the for-
mation timescale in the conventional core accretion scenario,
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Figure 2. Cooling curves and internal structure of models with water envelope+rock core. All models are adjusted to have Rp(t0) = 2.678 R⊕ by the choice of the
core mass. (a) Core mass (solid line) and mass shell where water in the envelope enters the plasma phase (dashed line) of present time structure models for transition
pressures 5 bar ! Pad(t0) ! 400 bar. Single interior models run vertically. The gray shaded areas are a guide to the eye for the allowed Pad(t0) range that is consistent
with the thermal evolution (in panel (c)). (b) Same as (a) but radius coordinate. Numbers at models highlighted by filled circles are pressure in Mbar and temperature
in K. (c) Evolution of radius of structure models IIa (dashed) and IIb (solid), see Table 1. Circles indicate those profiles during evolution when Pad(t0) = 50 bar.
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Figure 3. Water phase diagram for 20 mbar < P < 100 Mbar and GJ 1214b
water envelope+rock core models with Pad(t0) = 100 bar (orange dash-dotted)
and 300 bar (red dash-dotted). The Neptune profile (blue dash-dotted) is adopted
from Redmer et al. (2011).
(A color version of this figure is available in the online journal.)

this implementation are a structure where an H/He layer is on
top of a water layer, or a homogeneous mixture of H/He and
H2O. We find that in the first case, such differentiated three-
layer models (H/He, water, rock) cannot have 1×(I:R)# and
be in agreement with τ", the reason of which is the following.
Class I and II models require a radiative atmosphere down to
80 bar or more at present in order to meet τ". If composed
solely of H/He, the atmosphere extends over about 0.4 R⊕. In
order to match a remaining radius r(Mp) ≈ 2.3 R⊕, the core
mass fraction of the remaining water+core body is of the order of
20%–50% (see Valencia et al. 2010, Figure 8). We find I:R< 0.9
and Mcore = 3.5–4.2 M⊕ for this case of differentiated models.
Increasing Pad increases the depth of the thin H/He atmosphere,
thereby lowering the I:R ratio even more. Increasing the planet’s
mean density within the 1σ error bars of Mp and Rp allows for
I:R up to at most 0.56×(I:R)#.

Consequently, the only way to obtain a solar I:R ratio is to
limit the radius of the H/He atmosphere by enhancing its mean
molecular weight (Miller-Ricci et al. 2009) through admixture

of water. Here we consider the case of equal metallicity in
the radiative atmosphere and in the adiabatic envelope (our
class III models) as parameterized by the water mass fraction Z1.
Figure 4(a) shows the change of the I:R ratio of single models.
The water to core mass ratio rises moderately up to Z1 = 0.9,
passes 1×(I:R)# at Z1 = 0.95, and then rises rapidly up to the
values found for class II models. This behavior depends very
weakly on the choice of Pad(t0).

For class III models, the resulting H/He mass fraction of
the planet (see Figure 4(a)) is about 2–3 times larger than in
case of an H/He layer on top of a water layer. It reaches the
maximum for Z1 ≈ 0.80 (the core mass must not be too large,
requiring a high metallicity, and also Z1 not too close to 1).
We find a planetary H/He mass fraction !5.9% if Pad(t0) =
400 bar as in Figures 4(a) and (b), and slowly rising with Pad(t0)
up to 7% (colder envelopes reduce the core mass). However, a
colder present time interior would take longer than 10 Gyr to
cool. For the cooling curve calculations we choose a metallicity
Z1 = 0.85, which gives an H/He mass fraction close to the
maximum value but also a core mass below 2/3 Mp, hence a
real alternative to classes I and II. Figure 4(c) shows that the
isothermal region of present GJ 1214b must end between 120
and 400 bar to give consistency with a cooling time of 3–10 Gyr.

With Z1 = 0.85, Tcore = 5730 K, and Pcore = 1.4 Mbar
(Figure 4(b)), model IIIb resembles the interior of Uranus
and Neptune in composition and temperature (Fortney &
Nettelmann 2010). Lower in total mass, the pressure does not
rise up to 5–7 Mbar as in the outer solar system giant planets, so
that water will not adopt the superionic phase according to the
phase diagram of water, but remain in a fluid state in GJ 1214b
(Figure 3). This property bolsters our assumption of a homoge-
neous mixture of water with hydrogen and helium.

4. DISCUSSION

4.1. Structure Assumptions

Our GJ 1214b interior models rely on a separation of the in-
terior into a rock core and one homogeneous envelope of the
same composition as in the visible atmosphere. In contrast, giant
and terrestrial planets in the solar system are not successfully
described by such a two-layer structure but require the assump-
tion of various internal layer boundaries to be consistent with
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Figure 8. Radius evolution of the models of Jupiter and Saturn shown in Figure 7.
The black curves use the new model atmosphere grids presented in this work.
The red curves utilize the same interior structure and solar luminosity, but instead
use the Burrows et al. (1997) grid (see Fortney & Hubbard 2003).
(A color version of this figure is available in the online journal.)

dramatically super-adiabatic in the face of helium composition
gradients (Stevenson & Salpeter 1977a; Fortney & Hubbard
2003).

The model calculations for Jupiter, which yield an age of
5.3 Gyr, rather than 4.6 Gyr, could have important implications
for the planet. Jupiter’s atmosphere is clearly depleted in helium,
according to Galileo Entry Probe data (von Zahn et al. 1998),
which is a strong indication that helium phase separation has
occurred in this planet. Furthermore the atmosphere’s depletion
in neon (Mahaffy et al. 2000) is strongly suggestive of helium
demixing as well, as neon is expected to preferentially dissolve
into helium-rich droplets (Roulston & Stevenson 1995; Wilson
& Militzer 2010). The inclusion of the additional energy
release due to this demixing will further prolong Jupiter’s
cooling (Hubbard et al. 1999), leading to a worse match with
observations.

However, Saumon & Guillot (2004) have investigated cooling
models of Jupiter with a variety of hydrogen EOSs, that predict a
wide range of temperatures in Jupiter’s deep interior, which led
to evolutionary ages for homogeneous models as short as 3 Gyr.
If the deep interior temperatures in Jupiter are lower than those
found with the Saumon et al. (1995) EOS used here, then it is
possible that a combination of the model atmospheres presented
here, helium rain (which prolongs the evolution), and colder
interior temperatures (which quickens the evolution) could yield
a good match to observations. Recent work on the hydrogen
EOS, both theoretically (Nettelmann et al. 2008; Militzer et al.
2008), and experimentally (Holmes et al. 1995; Collins et al.
2001), do yield temperatures lower than predicted by Saumon
et al. (1995), so this avenue is plausible.

3.2. Uranus and Neptune

The long-standing problem for Uranus and Neptune has been
that both of these planets are colder at the present day than
cooling models predict. This is a reverse of the situation for
Saturn. This issue is discussed in some detail in Podolak et al.
(1991) and Hubbard et al. (1995), and in the general literature
in Hubbard & Macfarlane (1980). In order to understand how
advances in input physics over the past 30 years in the EOSs

Figure 9. Thermal evolution models of Uranus (red) and Neptune (blue) for
models that feature three distinct homogeneous layers of H/He, fluid ices, and
rock. The models are constructed to match the Teff of both planets at the present
day, and the evolution is followed backward in time. The thick gray line indicates
the formation of the solar system. The dashed curves are cooling calculations
performed in the manner of Hubbard & Macfarlane (1980), and use the Graboske
et al. (1975) model atmosphere grids. The dotted curves use the same model
atmospheres, but updated water and rock EOSs, which dramatically shorten the
cooling times for both planets. The thick solid curves use the same updated
EOSs as the dotted-curve models, but also use our new model atmospheres.
The thin solid red curve, for Uranus, changes the thick-solid-red model only by
adjusting the current Tint to the upper boundary of the 1σ error bar.
(A color version of this figure is available in the online journal.)

affect the thermal evolution of these planets, we have computed
a set of evolution models that use the physics of the Hubbard
& Macfarlane (1980) models and compared them to our new
calculations. The models presented in Hubbard & Macfarlane
(1980) have three distinct, adiabatic, layers. The H/He envelope
uses the EOS of Slattery & Hubbard (1976), the “icy” layer
uses a mixture the H2O, NH3, and CH4 EOS from Zharkov
& Trubitsyn (1978), and the rocky core (a mixture of silicon,
magnesium, iron, oxygen, and sulfur) is also from Zharkov
& Trubitsyn (1978). Hubbard & Macfarlane (1980) also make
estimates for the specific heat capacity of the icy and rocky
layers. Our implementation of the Hubbard & Macfarlane
(1980) models agree well with the original, particularly for
Uranus, and yield slightly shorter cooling times for both planets
(dashed curves in Figure 9), compared to their work.

To investigate how updated EOSs affect the evolution, we
can create cooling models that use the same ice-to-rock ratio
as used in Hubbard & Macfarlane (1980), 2.71-to-1, and the
same Graboske et al. (1975) atmosphere grid. But instead we
use updated EOSs for all three layers. These are the Saumon
et al. (1995) EOS for H/He and the Sesame EOSs of “water
7154” and “dry sand” (Lyon & Johnson 1992) for water and
rock, respectively. These tabulated ice and rock EOSs include
calculations of the density- and temperature-dependent free
energy at every temperature/density point, so no assumption
must be made for the average heat capacity. In Figure 9, we
compare cooling tracks with old and new EOSs. Following
previous work, we plot these tracks backward in time from the
current day, to see what initial values of Teff could explain the
current planets. The updated EOS yields much faster evolution
for both planets (dotted curves). The change for Neptune is
enough to allow the planet have an initially “hot start.” However,
Uranus models must start at a very low Teff to explain the planet’s
current low Teff . Using these same new interior models, but
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放射への寄与の制限

inertia,2 l. For Uranus and Neptune, respectively, we calculate
values of l¼ 0:2224ð1Þ and l¼ 0:2555ð2Þ when using the mod-
ified shape and rotation data, while in the unmodified case the
respective values are l¼ 0:230ð1Þ and l¼ 0:2410ð8Þ, where the
number in parenthesis gives the uncertainty in the last digit, see
also Figs. 2 and 3.

3.3. Thermal evolution

The cooling times for the representative models are given in
Table 2. The modified rotation and shapes have essentially no
effect on the cooling time. This is to be expected as the cooling
time mainly depends on the specific heat cv of the bulk material,
while the composition (and hence cv) is little influenced by the
shape and rotation data. Interestingly, Neptune appears to be the
outer planet with the cooling time that best matches the age of
the solar system, t$ ¼ 4:56 Gyr. Under the assumption of adia-
batic, homogeneous cooling, Saturn’s theoretical cooling time is
systematically too short by 2–2.5 Gyrs (Guillot et al., 1995;
Fortney and Hubbard, 2003), while Jupiter’s is often found to be
a little too long (Saumon et al., 1992; Guillot et al., 1995; Fortney
et al., 2011). We here recover the well-known far too long cooling
time of Uranus (Fortney et al., 2011), indicating that some part of
the interior is not in a state of efficient energy transport through
vigorous convection (Podolak et al., 1991; Hubbard et al., 1995).
To estimate the size of the stable internal region in Uranus, we
re-calculate the cooling time for the same quasi-adiabatic three-
layer models as before but exclude a central mass, the cut-off
mass mcut, from efficient cooling. The efficiency factor f quantifies
the heat escape from the stable interior beneath mcut in compar-
ison with the convective heat flux, so that f¼0 implies zero heat
flux and f¼1, as well as mcut ¼ 0, is the uninhibited case. In Fig. 6
we present the cooling time of Uranus in dependence on mcut and f.

The larger mcut, i.e. the smaller the convective outer region, the
shorter the cooling time. For a minimum cut-off mass of 0:45MU,
t¼ t$ can be achieved. The larger the heat flux from the stable
interior, the longer the cooling time, and thus the larger the
required cut-off mass. A maximum value for f is obtained when
mcut approaches MU to realize t¼ t$. While this maximum is
f¼0.5, we consider small values f o0:1 more realistic as the heat
transport in a stable interior is predicted to be a tiny fraction of

the convective heat flux. For Uranus, a lower limit for f can be the
ratio Fcond,ad=Fconv % 0:02, where Fcond,ad is the conductive heat
flux along an adiabatic gradient, and Fconv the heat flux if Uranus
would have cooled down to its present luminosity by large-scale
convection (Podolak et al., 1995). Thus we conclude from Fig. 6 an
ending of the stable interior in Uranus at 0:4520:5MU. For
comparison, we have applied the same procedure to Neptune
(model N2a). Neptune’s cooling time appears weakly sensitive to
the innermost 20% of Neptune’s mass.

4. Discussion and conclusions

4.1. Bulk composition

We had to make several simplifications to be able to calculate
Uranus and Neptune models with state-of-the-art methods. One
such simplification is the representation of heavy elements in the
envelopes by water and the confinement of rocks to the core. In
real Uranus and Neptune, silicates may also occur in the envel-
opes. It is clear that our assumption of having no rocks in the
envelopes leads to an overestimation of the envelope metallicities
and the resulting ice to rock ratio (I:R). In addition, the smaller the
core mass, the larger the I:R ratio. Models with I:R b2:7, the solar
system value, may potentially invalidate this simplification and
point to the presence of silicates in the envelopes. Example
models are the Neptune models with pure water envelopes
(N2b) and all our Uranus models. Interestingly, some Neptune
models, e.g. N1 and N2a, have a rather large core (& 3M') with a
reasonable overall I:R ratio of 1.5 times the solar value. On the
other hand, our representation of ices by a pure water EOS likely
overestimates the density of the true mixture of ices, and thus
somewhat underestimates the mass fraction of ices that would be
composed of a mixture of H2O, CH4, and NH3. Unfortunately, high-
quality EOS of light ices at pressures higher than 2 Mbar for
planetary modeling are not yet available.

Under the assumptions and simplifications of this work, the bulk
mass of heavy elements is 12:5M' for Uranus and 14214:5M' for
the selected Neptune models. This is in good agreement with the
empirical EOS based models by Helled et al. (2011), who can explain
the polynomial density distributions of their Uranus (Neptune)
models by & 11213M' (& 13215M') of heavy elements.

4.2. Implications from a stable deep interior

If some part of the interior, for Uranus possibly 0:4520:5MU

(Section 3.3), is stable to convection so that heat cannot escape
efficiently from the region below, then the super-adiabaticity of
the temperature gradient there can be non-negligible (Leconte
and Chabrier, 2012). A warmer deep interior will require a lower
particle number density in order to conserve the pressure gra-
dient. Otherwise, the induced higher warm-dense-matter pres-
sure would cause a larger planet radius. For a given composition
in the inner envelope (e.g. the Z2 value of the adiabatic case), one
might think of a lower particle number density to imply a lower
envelope mean density (compared to the adiabatic case), result-
ing into a larger rock core mass to ensure mass conservation.
However, the mean density in the inner envelope is roughly
constrained by the measured J2 value, see Fig. 4. Therefore, the
metallicity in the deep interior cannot have the same Z2 value as
in the adiabatic case. Indeed, if the stable region is caused by a
compositional gradient (Hubbard et al., 1995), the deep interior
would have an average metallicity Z34Z2, which may lead to a
smaller rock core. Therefore, predictions on a change of the rock
core mass are not possible without more sophisticated models
that take into account both a compositional gradient and

0 0.6 0.8
cut-off mass [MU]

3

4

5

6

7

8

9

co
ol

in
g 

tim
e 

[G
yr

]

Uranus

f=0

0.5

0.2
0.3

0.4
0.5

f=0

Neptune

10.2 0.4

Fig. 6. Thermal evolution of Uranus (model U2, solid, cyan) assuming that the heat
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2 l¼ I=ðMpR2
meanÞ, where I is the dimensional axial moment of inertia.
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Figure from Nettelmann, Helled, Fortney+ (2013, PSS)
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decrease. Thus a lower limit of Z1 at given P1-2 arises from the
condition that 9J49 must not become too small. Since Mc decreases
with increasing Z2 in standard three-layer models as known for
Jupiter (Nettelmann et al., 2012), at very high Z2 values (\0:95)
the core mass decreases to zero before the lower observational
limit of 9J49 is reached. Thus the Neptune models along the upper
right boundary in Fig. 2 are in fact two-layer models with no core.
The internal adiabat then reaches temperatures up to 6600 K and
pressures up to 8 Mbar, while the lowest core-mantle boundary
temperature, Tc (pressure, Pc) is 5200 K (5.5 Mbar), found for the
model with the biggest rock core of mass Mc ¼ 3:7M".

The described behavior is the same as found previously for
Uranus and Neptune (see Fig. 3 in FN10). However, due to the
large observational error bars of J2 and J4 (Fig. 1) allowed for in
FN10, the Neptune models were arbitrarily forced to have
Z1r0:40 and P1-2Z0:15 Mbar in accordance with the results for
Uranus. It is the much reduced error bars of J2 and J4 that here
allow us to present the full range of models. The biggest difference
to the set of Neptune models in FN10 is the existence of models
with pure water envelopes. Those occur for high outer envelope
metallicities Z140:5. Then, P1-2 needs to be put deep inside the
planet ðP$ 1 Mbar) to ensure that 9J49 does not get too large.

Few Uranus models can be found for the improved error bars
of J2 and J4 (Fig. 1). They have a well defined Z2 ¼ 0:970:02, a
tightly constraint position of the layer boundary at 0:127
0:04 Mbar corresponding to r¼ 0:7970:02RU and m¼ 0:937
0:02MU, a rather low outer envelope metallicity 1Z%rZ1r
12Z%, a rock core of at most 1M", and central temperatures
Tc $ 6000 K. An example is model U1 (Table 2). In Z1–Z2 space, the
Uranus models are within the range of the Neptune models.

3.2. Models with the modified shape and rotation data

The explanations to Fig. 2 in Section 3.1 apply also to Fig. 3. We
here describe the differences that arise from using the modified
shape and rotation data.

Most obvious, the sets of solutions shift into opposite direc-
tions: the Uranus models move to the lower right corner of Fig. 3
where Z2 gets higher and Z1 smaller, increasing the density
difference between the envelopes. In contrast, the Neptune
models stretch into the upper left corner where Z1 is above 60%
and the density difference to the deep envelope less pronounced.
As a result, the sets of solutions become disjunct. The Uranus
solutions are tightly constrained to have a low outer envelope
metallicity (o0:1), a high inner envelope metallicity (40:9), a
transition far out (at 40:9MU), and a small core (o1M"). An
example is model U2, see Table 2. Similar Uranus and Neptune
solutions are still possible, for instance with Z1 $ 0:1 and
Z2 $ 0:88 in both planets. However, this would require an envel-
ope transition in Neptune at $ 0:05 Mbar, relatively far out at
0:88RN in the neutral, molecular fluid part, which is not a
preferred solution for Neptune. The new finding here is that
two kinds of qualitatively different Neptune models are possible
that both differ in the atmospheric heavy element abundance to
an observationally significant level from the Uranus models. The
first kind of Neptune models is characterized by a rather large
core (Mc $ 3M") and a modest heavy element difference between
the envelopes (changing from 0.6 to 0.8). Alternatively, small core
models are possible with pure water envelopes and a transition
deep inside at $ 0:6RN and $ 0:6MN. Models N2a and N2b are
respective examples (Table 2).

These changes can easily be explained by the new rotation rates.
A slower rotation (Neptune) means a lower centrifugal force. Matter
is then less strongly pushed to the outer region. If the J2, J4 to be
fitted remain about the same, a higher metallicity in the outer part
of the planet is required. Along the adiabat, a higher metallicity
leads to lower internal temperatures. Therefore, Neptune models
with high outer envelope metallicity can become rather cold, with
core-mantle boundary temperatures around 5000 K only.

Example density profiles. The input and resulting parameters of
representative models are given in Table 2 and their density and
mass profiles shown in Fig. 4. The Uranus models clearly stand
out by their big jump in density at $ 75% of the planet’s radius,
where the density falls down to 30% of the inner envelope
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氷惑星の二分性：巨大衝突
斜め衝突 (oblique collision)

正面衝突 (head-on collision)

(Stevenson,1986;Podolak & Helled,2012)

外殻のみ加熱
内部は密度成層のまま
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衛星系円盤の形成
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Figure 2 | Cooling sequences of Saturn models with layered convection.
a, Effective (Teff; solid curves) and intrinsic (Tint; dashed curves)
temperature (see Methods) evolution in time for the adiabatic reference
model (black) and three models with layered convection (↵ = 10�2.5, 10�3

and 10�3.5 from dark to light red). b, Zoom on present era. Dots show the
observed effective temperature. At early ages, the effective temperature of
models with layered convection is lower owing to inefficient convection.
After a few hundred million years, these models become brighter owing to
the release of the excess of energy stored from the initial state.

layered convection is favoured over homogeneous double diffusive
convection (Supplementary Information). However, the question
remains whether layered convection can also explain the present
luminosity of the giant planets.

To answer this question, we have computed the thermal
evolution of planets with layered convection. As departure from
adiabaticity can be significant in these interiors, usual isentropic
evolution calculations2 cannot be used. Instead, the evolution is
computed by integrating the intrinsic luminosity, Lint =�dEtot/dt ,
where the total energyEtot =Eg+Eth+Erot includes the gravitational,
thermal and rotational energies (see Methods). The size of
the convective/diffusive layers is assumed to have reached an
equilibriumvalue13,15 and is thus kept constant. For all of themodels
(that is, the reference, homogeneous/adiabatic case and the semi
convective ones, for any given ↵), the amount of heavy elements
is kept constant and equal to the one that fulfils the gravitational
moment constraints13 (Supplementary Information).

As illustrated in Fig. 1, our results show that starting from the
same total internal energy, the time required to release a given
amount of this energy is significantly longer in the layered case than
in the homogeneous adiabatic one. This does not imply, however,
that the intrinsic luminosity of the object will necessarily be larger
at any given time. On the contrary, at early ages, objects with
a layered convection zone are far less luminous because of the
reduced heat flux release. However, after some time, the decrease
in luminosity imposed by layered convection is overpowered by
the increase of internal energy to be released and planets with
layered convection eventually become more luminous than the
ones with adiabatic interiors (Fig. 2). In Saturn’s case, this crossing
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Figure 3 | Impact of the size of the layered convection zone on Saturn’s
cooling sequence. a, Effective (Teff; solid curves) and intrinsic (Tint; dashed
curves) temperature evolution for the adiabatic model (black curve) and
three scenarios with layered convection. b, Zoom on the present era. From
darker to lighter red curves: our baseline scenario with layered convection
present throughout the gaseous envelope of the planet (MLC = 0.8M,
where M is the total mass of the planet; ↵ = 2⇥ 10�3), a scenario where
only the inner 50% of the envelope exhibits layered convection
(MLC ⇡ 0.5M; ↵ = 2⇥ 10�4), a case with a layered convection shell
between 0.5 and 0.7 M (MLC ⇡ 0.2 M; ↵ = 10�4).

time occurs before Saturn’s present age so that layered convection
yields a larger luminosity at 4.6 Gyr. As shown in Figs 2 and 3,
if the size of the convective layers is about 2–3⇥ 10�3 pressure
scale heights, this process properly leads to the present observed
effective temperature, radius and gravitational moments of the
planet without any additional energy source such as helium rains.
The radius evolution of these models is shown in Supplementary
Fig. S1. For this range of layer sizes, the present interior temperature
of Saturn is only modestly affected compared with the adiabatic
case (Supplementary Fig. S2). The temperature during the early
evolution, however, is much higher.

Figure 2 suggests that Saturn models with convective/diffusive
layers smaller than 2–3⇥ 10�3 pressure scale heights will be too
bright at the age of the Solar System. This is not necessarily true.
If layered convection develops only within a restricted fraction of
the planet, models with a lower convective efficiency (lower ↵) in
the layered zone and with an efficient convection everywhere else
can also reproduce Saturn’s proper cooling timescale. Our results
are valid for very different sizes of the layered convection zone.
Without covering the whole parameter space, we illustrate this by
showing an evolution track for Saturn where layered convection is
restricted to the inner 50% in mass of the planet above the core,
with ↵ = 2⇥ 10�4, and another track where layered convection
occurs in a shell between 50 and 70% of the planet’s mass (Fig. 3).
This latter case shows that the layered convection region does not
need to extend down to the core and could be present around
the molecular–metallic transition region or near an immiscibility
region in the gaseous envelope.
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Figure 2. Cooling curves and internal structure of models with water envelope+rock core. All models are adjusted to have Rp(t0) = 2.678 R⊕ by the choice of the
core mass. (a) Core mass (solid line) and mass shell where water in the envelope enters the plasma phase (dashed line) of present time structure models for transition
pressures 5 bar ! Pad(t0) ! 400 bar. Single interior models run vertically. The gray shaded areas are a guide to the eye for the allowed Pad(t0) range that is consistent
with the thermal evolution (in panel (c)). (b) Same as (a) but radius coordinate. Numbers at models highlighted by filled circles are pressure in Mbar and temperature
in K. (c) Evolution of radius of structure models IIa (dashed) and IIb (solid), see Table 1. Circles indicate those profiles during evolution when Pad(t0) = 50 bar.
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Figure 3. Water phase diagram for 20 mbar < P < 100 Mbar and GJ 1214b
water envelope+rock core models with Pad(t0) = 100 bar (orange dash-dotted)
and 300 bar (red dash-dotted). The Neptune profile (blue dash-dotted) is adopted
from Redmer et al. (2011).
(A color version of this figure is available in the online journal.)

this implementation are a structure where an H/He layer is on
top of a water layer, or a homogeneous mixture of H/He and
H2O. We find that in the first case, such differentiated three-
layer models (H/He, water, rock) cannot have 1×(I:R)# and
be in agreement with τ", the reason of which is the following.
Class I and II models require a radiative atmosphere down to
80 bar or more at present in order to meet τ". If composed
solely of H/He, the atmosphere extends over about 0.4 R⊕. In
order to match a remaining radius r(Mp) ≈ 2.3 R⊕, the core
mass fraction of the remaining water+core body is of the order of
20%–50% (see Valencia et al. 2010, Figure 8). We find I:R< 0.9
and Mcore = 3.5–4.2 M⊕ for this case of differentiated models.
Increasing Pad increases the depth of the thin H/He atmosphere,
thereby lowering the I:R ratio even more. Increasing the planet’s
mean density within the 1σ error bars of Mp and Rp allows for
I:R up to at most 0.56×(I:R)#.

Consequently, the only way to obtain a solar I:R ratio is to
limit the radius of the H/He atmosphere by enhancing its mean
molecular weight (Miller-Ricci et al. 2009) through admixture

of water. Here we consider the case of equal metallicity in
the radiative atmosphere and in the adiabatic envelope (our
class III models) as parameterized by the water mass fraction Z1.
Figure 4(a) shows the change of the I:R ratio of single models.
The water to core mass ratio rises moderately up to Z1 = 0.9,
passes 1×(I:R)# at Z1 = 0.95, and then rises rapidly up to the
values found for class II models. This behavior depends very
weakly on the choice of Pad(t0).

For class III models, the resulting H/He mass fraction of
the planet (see Figure 4(a)) is about 2–3 times larger than in
case of an H/He layer on top of a water layer. It reaches the
maximum for Z1 ≈ 0.80 (the core mass must not be too large,
requiring a high metallicity, and also Z1 not too close to 1).
We find a planetary H/He mass fraction !5.9% if Pad(t0) =
400 bar as in Figures 4(a) and (b), and slowly rising with Pad(t0)
up to 7% (colder envelopes reduce the core mass). However, a
colder present time interior would take longer than 10 Gyr to
cool. For the cooling curve calculations we choose a metallicity
Z1 = 0.85, which gives an H/He mass fraction close to the
maximum value but also a core mass below 2/3 Mp, hence a
real alternative to classes I and II. Figure 4(c) shows that the
isothermal region of present GJ 1214b must end between 120
and 400 bar to give consistency with a cooling time of 3–10 Gyr.

With Z1 = 0.85, Tcore = 5730 K, and Pcore = 1.4 Mbar
(Figure 4(b)), model IIIb resembles the interior of Uranus
and Neptune in composition and temperature (Fortney &
Nettelmann 2010). Lower in total mass, the pressure does not
rise up to 5–7 Mbar as in the outer solar system giant planets, so
that water will not adopt the superionic phase according to the
phase diagram of water, but remain in a fluid state in GJ 1214b
(Figure 3). This property bolsters our assumption of a homoge-
neous mixture of water with hydrogen and helium.

4. DISCUSSION

4.1. Structure Assumptions

Our GJ 1214b interior models rely on a separation of the in-
terior into a rock core and one homogeneous envelope of the
same composition as in the visible atmosphere. In contrast, giant
and terrestrial planets in the solar system are not successfully
described by such a two-layer structure but require the assump-
tion of various internal layer boundaries to be consistent with
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Picture from Keck Obs. / Figure from Marois+ (2008, Science)
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HR8799

in a reanalysis of non-ADI Keck data obtained
for a related program in 2004 [the data sets and
the reduction technique are described further in
the supporting online material (SOM)].

Astrometric analysis. After the initial detec-
tion of the companions, we evaluated their po-
sitions relative to the star to confirm that they are
co-moving with it (possibly including orbital
motion) and not unrelated background or fore-
ground objects (Table 1, table S2, and Fig. 2).
Because HR 8799b was visible in the 2004
Keck images, we have more than 4 years of time
baseline for proper motion measurements. With
the large proper motion of HR 8799 (0.13′′/year),
the HR 8799b object is shown to be bound at a
significance of 98 times the estimated 1-s
uncertainty. Additionally, the data show that
it is orbiting counter-clockwise. It moved 25 T
2 milliarcseconds (mas)/year (0.98 AU/year)
southeast during the 4-year period. Its detected
orbital motion is near perpendicular to the line
connecting the planet and primary, suggesting
that the system is viewed nearly pole-on and that
the orbit is not very eccentric. The near face-on
perspective is further supported by the slow
projected rotational velocity of HR 8799 [~40
km sec−1 (17)]; this is well below average for
late-A and early-F type stars (30). If we assume
that it has a semimajor axis of 68 AU, a circular

orbit, a pole-on view, and a host stellar mass
equal to 1.5 solar masses, then the orbital period
andmotion of HR 8799b are ~450 years and 0.93
AU/year (24 mas/year) respectively, consistent
with our measurements.

HR 8799c is also detected, at lower signifi-
cance, in the 2004 data set. The measurement of
its 4-year proper motion confirms that it is bound
to the star at the 90-s level. Its orbit is also counter-
clockwise at 30 T 2mas/year (1.18 AU/year). For
its semimajor axis of 38 AU, the orbital period is
~190 years and the expected orbital motion is
1.25 AU/year (32 mas/year). Again, the orbital
motion is close to being perpendicular to the line
connecting the planet to the primary.

HR 8799d was first detected in the July
2008 data set. The 2 months of available proper
motion measurements are sufficient to confirm
that it is bound to the star at the ~6-s level.
The available data are also consistent with a
counter-clockwise orbital motion of 42 T 27
mas/year (1.65 AU/year). For a semimajor axis
of 24 AU, the orbital period is 100 years and
the expected orbital motion is 1.57 AU/year
(40 mas/year).

HR 8799bcd photometric analysis. All three
companions are intrinsically faint and have red
near-IR colors that are comparable to those of
substellar-mass objects with low effective tem-
peratures (Table 1). Compared to old field brown
dwarfs (objects with masses between planets and
stars), all three companions lie at the base of the
L dwarf spectral sequence—objects known to be
cool and have dusty clouds in their atmospheres
(Fig. 3). Two candidate free-floating Pleiades
brown dwarfs, with comparable colors and ab-
solute K-band magnitudes to HR 8799c and d,
are consistent with a mass of ~11MJup from evo-
lutionary models (31). If HR 8799 is (as is likely)
younger than the Pleiades, the c and d compa-
nions would be even less massive. HR 8799b is
fainter than all of the known Pleiades substellar
members and thus is below 11 MJup (Fig. 3). All

three companions stand apart from the older,
more massive brown dwarfs in a color-magnitude
diagram. The known distance to HR 8799, and
photometry for each companion that covers a sub-
stantial fraction of the spectral energy distribution
(SED), allow for a robust measurement of the
bolometric luminosity (Lbol). We fit a variety of
synthetic SEDs (generated with the PHOENIX
model atmosphere code) to the observed photo-
metry for each companion, assuming that their
atmospheres were either cloud-free, very cloudy,
partly cloudy (50% coverage), or radiated like
black bodies. This fitting process is equivalent to
simultaneously determining bolometric correc-
tions for each band-pass for various model as-
sumptions. Luminosities were also obtained using
the K-band bolometric corrections for brown
dwarfs (32). Although the different models pro-
duce different estimates of effective temperature,
the range of Lbol for each object is small (Table 1),
indicating that our estimate is robust against the
uncertainty in the details of the atmosphere and
clouds (see the SOM for more details).

The cooling of hydrogen-helium brown dwarfs
and giant planets is generally well understood;
however, the initial conditions associated with
the formation of objects from collapsing molec-
ular clouds or core accretion inside a disk are un-
certain. Consequently, theoretical cooling tracks
of objects at young ages may not be reliable.
Recent efforts to establish initial conditions for
cooling tracks based on core-accretion models
have produced young Jupiter-mass planets sub-
stantially fainter (<10−5 LSun) than predicted by
traditional models (33). However, these hybrid
models do not yet include a realistic treatment of
the complex radiative transfer within the accre-
tion shock and thus provide only lower limits on
the luminosity at young ages. Warmer, more lu-
minous planets originating from core accretion
cannot be ruled out.

Although HR 8799 is young, its upper age
limit (~160 My) is near the time when the dif-

Fig. 5. Synthetic spectra frommod-
el atmospheres containing clouds
located between 10 and 0.1 bar of
pressure are compared to the mea-
sured fluxes (with 3-s error bars)
for HR 8799 b, c, and d. Response
curves for each filter band pass are
indicated along the x axis. The pre-
dicted magnitudes from the syn-
thetic spectra, averaged over the
filter passbands, are shown by the
filled symbols.

Fig. 4. Luminosity versus time for a variety of
masses (34). The three coeval points are HR 8799b
(square), c (diamond), and d (circle); c and d data
points are displaced horizontally for clarity. The
locations of the low mass object AB Pic b on the
planet/brown dwarf dividing line and a planetary
mass companion (2M1207b) to the brown dwarf
2M1207 are also shown [note that alternative
models proposed for 2M1207 lead to somewhat
larger luminosity and mass (~8 MJup) for the com-
panion (42)]. The deuterium burning mass limit,
currently believed to be ~13.6 MJup, has been in-
corporated into a “working definition” of a planet
by the International Astronomical Union and is used
here to separate planets (which alsomust orbit a star)
from brown dwarfs. The boundary between stars and
brown dwarfs is set by stable hydrogen burning.
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Baraffe et al. (2002) also evaluated the uncertainty in the early
evolution of brown dwarfs and giant planets by comparing what
might be termed ‘‘hot-start’’ and ‘‘hotter-start’’ models. Both are
comparable to our hot-start case; for example, for their 5MJ evo-
lution, the initial effective temperature was greater than 2000 K
for both cases. Not surprisingly (see eq. [2]), they found that their
hottermodelswith even larger initial radii cooled very quickly and
joined their hot-start evolution tracks within 1 Myr for all masses
considered (>5MJ). This was the basis for their expressed confi-
dence that the theoretical evolution tracks can be trusted for ages
greater than a fewmillion years.Motivated by a preliminary report
of our work (Fortney et al. 2005a), Chabrier et al. (2006) also
briefly considered the early evolution of cool 1 and 4MJ planets
with small initial radii. They also found that smaller, cooler plan-
ets can take in excess of 107 yr to reach the standard hot-start lu-
minosity tracks.

To illustrate the extreme sensitivity of the early cooling rate on
initial entropy, we computed the Kelvin-Helmholtz cooling times

for a 4MJ planet with a variety of initial internal entropies. For S
(expressed in units of kB/baryon) between 6 and 11, a range that
more than spans the plausible initial entropies shown in Figure 2,
we found that !HK / e!2:8S . Thus, small changes in the initial es-
timate of Sproduce disproportionately large changes the initial cool-
ing rate. Large values of S yield fast cooling rates, and the rapid
cooling rates led to the conventional wisdom that planets rapidly
forget their initial conditions. But smaller values of S, which our
implementation of the core-accretion model predicts, yield much
slower early cooling times and planets with longer memories.
For this reason, as we noted in x 2.2, we do not place high con-

fidence in the comparison between individual early evolution tracks
for core-accreted planets of different masses, because they differ
from each other relatively little in initial S. The details of the ac-
cretion shock and the mass accretion rate and timescale, which
are essentially unknown, control S and the relative initial post-
accretion luminosity to a much greater degree than previously re-
cognized. In any case, for masses k4MJ, there is relatively
little difference in the luminosity among the core-accreted giant
planets until about 30–50Myr after formation. As a whole, our
core-accreted planets have substantially lower initial entropies
and thus longer evolution times than the hot-start models.We plan
to explore the early postformation luminosity evolution of the
core-accreted planets, including the effects on satellites, in more
detail in a future publication.

4.3. Sensitivity to Assumptions

To understand the sensitivity of the results to the limiting gas-
accretion rate, we varied both themaximumgas-accretion rate and
the timescale for accretion cutoff during accretion phases 4 and 5,
for a 2MJ planet. Results are shown in Figure 5. In the rapid gas-
accretion case, where the limiting accretion rate is set at 10!1 M"
yr!1, the final planet is formed very quickly, in less than 105 yr
after the start of runaway gas accretion. The resulting planet is
somewhat larger and warmer than the baselinemodel. Likewise, a
modelwith a very low accretion rate, 10!3M" yr!1, and a long ac-
cretional tail-off, ends up cooler and smaller than the baseline case.

Fig. 4.—Model radius, R, effective temperature, TeA, and luminosity, L, of
young Jupiters of variousmasses. Line types as in Fig. 2. Unlike Fig. 2, in this fig-
ure time t ¼ 0 for the core-accretion evolution is chosen to be the last model of the
core-accretion calculation. There is thus an offset of 2.5–3Myr, depending onmass,
from Fig. 2. Both the radii and effective temperature of the young planets are lower
in the core-accretion case, leading to substantially lower luminosities. Differences
from the hot-start persist for as little as 107 yr for a 1MJ planet to as much as 109 yr
for a 10MJ planet.

Fig. 5.—Luminosity evolution of various 2MJ cases discussed in the text. Black
solid and dotted lines are the standard baseline core-accretion and hot-start models.
Other line types are for 10 and 0.10 times the standard limiting mass accretion rate,
ṀLim, and a case with higher nebular gas temperature, Tneb.
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considered (>5MJ). This was the basis for their expressed confi-
dence that the theoretical evolution tracks can be trusted for ages
greater than a fewmillion years.Motivated by a preliminary report
of our work (Fortney et al. 2005a), Chabrier et al. (2006) also
briefly considered the early evolution of cool 1 and 4MJ planets
with small initial radii. They also found that smaller, cooler plan-
ets can take in excess of 107 yr to reach the standard hot-start lu-
minosity tracks.

To illustrate the extreme sensitivity of the early cooling rate on
initial entropy, we computed the Kelvin-Helmholtz cooling times

for a 4MJ planet with a variety of initial internal entropies. For S
(expressed in units of kB/baryon) between 6 and 11, a range that
more than spans the plausible initial entropies shown in Figure 2,
we found that !HK / e!2:8S . Thus, small changes in the initial es-
timate of Sproduce disproportionately large changes the initial cool-
ing rate. Large values of S yield fast cooling rates, and the rapid
cooling rates led to the conventional wisdom that planets rapidly
forget their initial conditions. But smaller values of S, which our
implementation of the core-accretion model predicts, yield much
slower early cooling times and planets with longer memories.
For this reason, as we noted in x 2.2, we do not place high con-

fidence in the comparison between individual early evolution tracks
for core-accreted planets of different masses, because they differ
from each other relatively little in initial S. The details of the ac-
cretion shock and the mass accretion rate and timescale, which
are essentially unknown, control S and the relative initial post-
accretion luminosity to a much greater degree than previously re-
cognized. In any case, for masses k4MJ, there is relatively
little difference in the luminosity among the core-accreted giant
planets until about 30–50Myr after formation. As a whole, our
core-accreted planets have substantially lower initial entropies
and thus longer evolution times than the hot-start models.We plan
to explore the early postformation luminosity evolution of the
core-accreted planets, including the effects on satellites, in more
detail in a future publication.

4.3. Sensitivity to Assumptions

To understand the sensitivity of the results to the limiting gas-
accretion rate, we varied both themaximumgas-accretion rate and
the timescale for accretion cutoff during accretion phases 4 and 5,
for a 2MJ planet. Results are shown in Figure 5. In the rapid gas-
accretion case, where the limiting accretion rate is set at 10!1 M"
yr!1, the final planet is formed very quickly, in less than 105 yr
after the start of runaway gas accretion. The resulting planet is
somewhat larger and warmer than the baselinemodel. Likewise, a
modelwith a very low accretion rate, 10!3M" yr!1, and a long ac-
cretional tail-off, ends up cooler and smaller than the baseline case.

Fig. 4.—Model radius, R, effective temperature, TeA, and luminosity, L, of
young Jupiters of variousmasses. Line types as in Fig. 2. Unlike Fig. 2, in this fig-
ure time t ¼ 0 for the core-accretion evolution is chosen to be the last model of the
core-accretion calculation. There is thus an offset of 2.5–3Myr, depending onmass,
from Fig. 2. Both the radii and effective temperature of the young planets are lower
in the core-accretion case, leading to substantially lower luminosities. Differences
from the hot-start persist for as little as 107 yr for a 1MJ planet to as much as 109 yr
for a 10MJ planet.

Fig. 5.—Luminosity evolution of various 2MJ cases discussed in the text. Black
solid and dotted lines are the standard baseline core-accretion and hot-start models.
Other line types are for 10 and 0.10 times the standard limiting mass accretion rate,
ṀLim, and a case with higher nebular gas temperature, Tneb.
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Figure from Burrows+ (2007, ApJ)
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ホットジュピター：異常膨張

for both solar opacity (top) and 10;solar opacity (bottom) are
shown, and models with (right) and without (left) the !R term
are included for comparison. The measured transit radii and ages
are superposed, along with error bars (Tables 1 and 2). For each
EGP, the color used for both models and data is the same. Since
the ages for WASP-1b andWASP-2b are not in the literature, we
arbitrarily set them equal to 2! 1 Gyr.

Figure 6 contains eight of the smallest measured EGPs, and
Figure 7 contains the other six (and, hence, the largest) EGPs.
The cut between the two sets is of no fundamental significance.
As Figure 6 indicates, if we use solar opacities, ignore !R, and
leave out a core, the models on the left would fit the correspond-
ing data rather well, except for HD 149026b. All the coreless
models of HD 149026b are discrepant by wide margins (by as
much as a factor of 2) and a core of substantial mass seems the
only option (Fortney et al. 2006; x 6). In fact, HD149026b ismore
like a super-Neptune than an EGP.

The wide range of possible ages for some of the EGPs de-
picted in Figure 6, in particular for OGLE-TR-111b and OGLE-
TR-113b, makes interpretation a bit uncertain, particularly in the
lower age range. However, for higher ages the models are sub-
stantially age-independent. In addition, one cannot arbitrarily ig-
nore the!R term, and as the top right panel of Figure 6 indicates,
the solar/coreless ‘‘fits’’ then evaporate when including!R. Even

if the errors in Rp are obliging, and data and models for a few of
the eight EGPs are reconciled, one is unlikely to be able to do this
for all of them. The upshot is that even at solar opacities coreless
models for these smaller transiting EGPs are disfavored. Models
portrayed in the 10;solar panels at the bottom of Figure 6 are
evenmore disfavored. The actual opacities of the atmospheres of
these EGPs do not need to be as high as for the 10;solar models
for these plots to be indicative of a severe problem. This is the
first major radius problem, many of the known transiting EGPs
are too small, not too large.
Figure 7 depicts the six largest transiting EGPs in the same

format as Figure 6. The gap with theory for solar opacities, no
cores, and no!R term is wide for all, except for TrES-2, if its age
is quite low. As the top right panel indicates, including the !R
effect helps, but not enough. However, at"10;solar, the models
for all these larger EGPs start to fit rather well, the degree of fit
depending centrally on the age and radius error bars. In fact, for
OGLE-TR-10b and OGLE-TR-56b, their 10;solar opacity radii
are on average too large. This is true for OGLE-TR-56b, despite
its largeFp (Table 1). Themeasured radius of HD 209458b is still
a bit larger than the theory, but it is within 1.5 ! for its central age
estimate and better than this for younger ages. HAT-P-1b fits
well, and TrES-2 fits well for a wide range of ages.WASP-1b can
fit, in particular if it is not very old (recall that its age is unknown).

Fig. 7.—Rp (in RJ) vs. age (in Gyr) for a collection of no-core models for the larger transiting EGPs. They include WASP-1b (blue line), HATP-1b (aqua line), HD
209458b (green line), TrES-2 (red line), OGLE-TR-56b (gold line), and OGLE-TR-10b ( yellow line). As in Fig. 6, the top left panel assumes solar opacities and does not
include the!R term. The top right panel is also solar opacities, but does include the!R term. The bottom left panel is for 10;solar atmospheric opacities, but does not
include the !R. The bottom right panel also assumes 10;solar opacities, but does include the !R term. This bottom right panel contains our default no-core/no-cloud
models. The age of WASP-1b has been arbitrarily set at 2:0! 1:0 Gyr. See x 5 for a discussion.
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ホットジュピターの重元素
The Astrophysical Journal Letters, 736:L29 (5pp), 2011 August 1 Miller & Fortney

Figure 1. Planet radius as a function of average incident stellar flux. Planets
are colored according to their mass. Model planet radii are plotted for a 1 MJ
planet at 4.5 Gyr without a core (solid) and with a 25 M⊕ core (dotted; Fortney
et al. 2007; Miller et al. 2009). Although the extra heating source is not well
determined, it is clear that it is more important at larger incident fluxes. We
choose a cutoff of 〈F 〉 < 2 × 108 erg s−1 cm−2 in order to obtain the largest
sample of non-inflated planets. This corresponds to a planetary Teq ! 1000 K.
(A color version of this figure is available in the online journal.)

elements are uniformly mixed with hydrogen and helium and the
planet is fully convective (mixed model). The primary heavy-
element composition is a mixture of 50% rock and 50% ice
using the equation of state (EOS) ANEOS (analytic equation of
state; Thompson 1990). By considering the two extreme cases of
having all of the heavy-element masses in the core or envelope,
we bracket possible interior models of giant planets. For Jupiter,
models that match gravity field constraints generally find that
most of its heavy elements are in the envelope while for Saturn
most are in the core (Fortney & Nettelmann 2010).

A complete description of the thermal evolution model can
be found in Fortney et al. (2007) and Miller et al. (2009).
Briefly, planets are composed of up to three components: (1) an
inert core, (2) an adiabatic convective envelope (where heavy
elements may be mixed in), and (3) a solar-metallicity non-
gray atmosphere model (Fortney et al. 2007) that includes the
atmospheric extension to the transit radius. The primary effect of
heavy elements either in the core or in the convective envelope
is mainly to decrease the planet’s radius at every time.

For each planet, the amount of heavy elements is determined
under the constraint that the predicted model transit radius
agrees with the observed radius at the observed age and incident
flux. The average incident flux that a planet receives is given by

〈F 〉 = L∗

4πa2
√

1 − e2
, (1)

where L∗ is the luminosity of the star, a is the semi-major axis
of the orbit, and e is the eccentricity of the orbit. This analysis
was performed on all planets that met our average incident
flux cut 〈F 〉 < 2 × 108 erg s−2 cm−2 and had a mass greater
than 20 M⊕—since our model is primarily designed to describe
giants with masses greater than Neptune.

Note that these heavy-element masses should be taken as
minimum masses since if the planet is internally heated or
if higher atmospheric opacities (due to metal-enhanced atmo-
spheres) slow the cooling (Ikoma et al. 2006; Burrows et al.
2007), then a planet would have more heavy elements than
found here.

The required heavy-element mass to fit the radius is deter-
mined as the average of the layered and mixed cases. Each of

Figure 2. Stellar metallicity and inferred planet heavy-element mass for
exoplanets within our incident flux cut. The required heavy elements are from the
“Average Case” in Table 1. (See the text.) Planets are numbered corresponding
to the entries in Table 1. The rarity of gas giants around metal-poor stars is
well established (Fischer & Valenti 2005). Using a least-squares fit, we find the
relation log MZ = (0.82 ± 0.08) + (3.40 ± 0.39)[Fe/H] and a reduced χ2 value
of 1.95. The fit excludes HAT-P-12b (planet 13) and includes Jupiter and Saturn.
However, we do not expect this relation to hold at the lowest metallicities, where
it may become flat at ∼ 10–15 M⊕.
(A color version of this figure is available in the online journal.)

the observed system parameters (Rp, age, a, Mp) has an associ-
ated error on its published value. The propagated error on the
heavy-element mass (σH ) is given by

σ 2
H =

∣∣∣∣
∂Mc

∂Rp

∣∣∣∣
2

σ 2
Rp

+
∣∣∣∣
∂Mc
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2

σ 2
Age +
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∂Mc
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2

σ 2
a

+
∣∣∣∣
∂Mc

∂Mp

∣∣∣∣
2

σ 2
Mp

+
(

Mc − Menv

2

)2

, (2)

where σRp
, σAge, σa , and σMp

are the observationally determined
errors in planet radius, system age, semi-major axis, and
planet mass respectively. The derivatives ∂Mc

∂X
(calculated at

the observed planet parameters assuming core heavy elements)
describe the sensitivity of the predicted heavy-element mass
with respect to changes in a given parameter, X. The final term
of the expression is the uncertainty due to the unknown structure
of the planet. Mc and Menv are the predicted heavy-element
masses if the heavy elements are within the core or the envelope,
respectively.

We use the metallicity of the star [Fe/H] as given in each paper
in Table 1. For each system, we compute the heavy-element
mass fraction Zstar ≡ 0.0142 × 10[Fe/H]—assuming that the
total heavy-element composition of other systems scales with
their iron abundance, normalized to the solar metallicity as in
Asplund et al. (2009).

3. FINDINGS

In Figure 2, we plot the stellar metallicity, [Fe/H], against the
planet heavy-element mass for each of these systems. Using a
least-squares fit, we find that log MZ = (0.82 ± 0.08) + (3.40 ±
0.39)[Fe/H] for stars with [Fe/H] > −0.05. The reduced χ2

value of 1.95 implies that not all of the scatter can be explained
by observational error. We expect a fairly flat relation (the dotted
line in Figure 2) at subsolar stellar metallicity if 10–15 M⊕ of
heavy elements are needed to trigger planet formation. In Table 1
we list the planets and observed parameters used. For each

2

Stellar'metallicity'�

Miller'&'Fortney'(2011)�He
av
y'
el
em

en
t'm

as
s'i
n'
pl
an
et
''

[E
ar
th
'm

as
s]
�

� ��Hc�`b�w��y����

�
�
`
b
�
w
��
N
j
r
w
�

¦lt§¢¯§Cx|­A�E



形成過程への示唆



Figure from Ikoma et al. (2000)
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Figures from Hori & Ikoma (2011, MNRAS)
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巨大惑星の集積過程の現代的描像
4 Y. Hori and M. Ikoma

to be in the solar abundances. This is reasonable because the abun-
dances of heavy elements in Comet Halley are known to be similar
to the solar abundances (Mumma et al. 1993). The opacity tables of
Alexander & Ferguson (1994) are provided as a function of log Q =
ρ/T3

6, where ρ is the density in g cm−3 and T6 is the temperature in
million K. If log Q exceeds the available range of the opacity tables,
namely, log Q > 3, we calculate the gas opacity by extrapolating the
tabular data. Even if the values at log Q = 3 are used for log Q > 3
without extrapolation, no significant difference in the critical core
mass is found.

The Rosseland mean opacity of dust grains is calculated from
the monochromatic opacities of dust grains in protoplanetary discs
presented by Semenov et al. (2003). The dust constituents, their
evaporation temperatures and the size distribution of the dust grains
used in Semenov et al. (2003) are the same as those in Pollack et al.
(1994), while their optical constants refer to Henning & Stognienko
(1996). The difference between the grain opacities is nevertheless
small (Semenov et al. 2003). We introduce a factor, f , that represents
reduction in or enhancement of the grain opacity, namely, grain
opacities being f times the opacities of grains in disc gas. The
reasons why we introduce this factor are as follows. When icy
planetesimals go through the upper envelope, if undifferentiated like
Comet Halley (e.g. Mumma et al. 1993), they release dust grains
embedded in a matrix of ice upon evaporation. The deposited grains
raise the grain opacities in the upper envelope. On the other hand,
opacities of dust grains in the envelope may be reduced due to their
coagulation and settling as described in Section 1 (Podolak 2003;
Movshovitz & Podolak 2008; Movshovitz et al. 2010). In this study,
the total opacity is expressed by

κ = f κgr + κgas, (14)

where κgas is the Rosseland mean opacity of gas and κgr is that of
dust grains in protoplanetary discs.

3 C R I T I C A L C O R E M A S S E S

Critical core masses are found in the same way as they were in
Mizuno (1980). For the set of four parameters listed in Table 1, we
determine the static structure of the envelope (i.e. dS/dt = 0) to find
the core mass for a given protoplanetary total mass, Mp. We increase
Mp and repeat the same procedure until the core mass reaches a
first maximum, which is the critical core mass. In this section, we
demonstrate how envelope pollution affects the critical core mass
(Mcrit). Our results show that the heavy-element enrichment, in
general, lowers Mcrit and this behaviour of Mcrit holds good for any
choice of four parameters.

3.1 Effects of envelope pollution by icy planetesimals

Fig. 2 shows Mcrit as a function of the mass fraction of heavy el-
ements in the lower envelope, Zh, for four different homopause
temperatures, Th. The solid, dashed, dotted and dot–dashed curves
correspond to Th = 300, 500, 1000 and 2000 K, respectively. We

Figure 2. The critical core mass (Mcrit) as a function of the mass frac-
tion of heavy elements in the lower layer of the envelope, Zh. The solid,
dashed, dotted and dot–dashed curves correspond to the results for Th =
300, 500, 1000 and 2000 K, respectively. The double dot–dashed curve is
the result of wholly polluted envelopes. In all the calculations, we assume
L = 1 × 1027 erg s−1 and f = 1. A sudden change in the slope at Zh =
0.815 for Th = 300 K and the wholly polluted envelopes appears because
one of the major molecules, H2, is replaced by CO2 (see the text). (A colour
version of this plot is available in the electronic edition of MNRAS.)

also examine the wholly polluted envelope as an extreme case,
which is shown by the double-dot–dashed curve. In all the cal-
culations shown in Fig. 2, we assume L = 1 × 1027 erg s−1 and
f = 1.

As found in Fig. 2, except for small increases for Zh ≤ 0.1, the
heavy-element enrichment lowers Mcrit for any Th. In particular, the
reduction in Mcrit is significant for high Zh. In Fig. 2, one notices
that Mcrit depends on Zh and Th in complicated manners. There are
three factors to change Mcrit as described in Section 1. To see how
each effect contributes to the changes in Mcrit, we have done the fol-
lowing sensitivity tests; the results are presented in Fig. 3. The solid
curves correspond to the results shown in Fig. 2. Other three curves
represent the results for cases where one or two out of the three
factors are artificially excluded.

(i) The dashed curves. We have used κgas with the solar abun-
dances throughout the envelope instead of including the rise in κgas.
The difference between the solid and the dashed curves represents
the increment in Mcrit caused by the rise in κgas.

(ii) The dot–dashed curves. We have used ∇ad with the solar
abundances throughout the envelope to exclude the effect of reduc-
tion in ∇ad. The difference between the solid and the dot–dashed
curves represents the decrement in Mcrit due to a reduction in ∇ad.

(iii) The dotted curves. We have used both κgas and ∇ad with the
solar abundances throughout the envelope to extract only the effect
of the increase in µ. The difference between the values of Mcrit for

Table 1. Free parameters and their values.

Parameter Value

Homopause temperature, Th 300, 500, 1000, 2000 K
Mass fraction of heavy elements in the lower layer, Zh 0.015–0.94
Grain-depletion factor, f 0, 0.01, 1, 10
Luminosity, L 1 × 1026, 1027, 1028, 1029 erg s−1

C© 2011 The Authors
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Envelope pollution of gas giants by icy planetesimals 3

of gas contained inside the outer edge of the envelope, which is
defined by the smaller of the Bondi radius (RB) and the Hill radius
(RHill):

RB = GMp

c2
s

, RHill = ap

[
Mp

3(Mp + M∗)

]1/3

, (11)

where cs is the sound speed, ap is the semimajor axis of the pro-
toplanet, and M∗ is the mass of the central star. In this paper, we
use ap = 5.2 au, M∗ = 1 M", Tdisc = 150 K and ρdisc = 5.0 ×
10−11 g cm−3, unless otherwise noted.

We assume that the energy release by planetesimals occurs in a
narrow region on the top of the core (i.e., εacc = 0). This assump-
tion seems to be incompatible with the situation that planetesimals
evaporate and deposit their kinetic energy before reaching the core.
However, such a simplification affects the results little, because the
energy deposition of planetesimals occurs mostly in the deep, con-
vective envelope, the structure of which is insensitive to the location
of energy deposition inside it. On the other hand, we ignore in this
study the effect of the sinking of dissolved materials of icy plan-
etesimals. Gravitational potential energy released by the sinking
of ablated materials makes a contribution to the slowing down of
gas accretion on to a protogas giant as pointed out by Pollack et al.
(1996). Whether the energy released by the sinking of ablated mate-
rials occurs effectively in a wide region on the top of the core where
planetesimals slow down via ablation, is an important factor in the
formation time-scales of gas giants. It will be considered in future
calculations based on the trajectories of planetesimals through a
protoplanet’s envelope.

2.2 Envelope pollution by icy planetesimals

In this study, we consider that the envelope consists of two com-
ponents, materials of disc gas (component A) and those of icy
planetesimals (component B). The chemical compositions of com-
ponents A and B are assumed to be solar and Comet Halley-like,
respectively. The mass fractions of hydrogen, helium and others
in the solar abundances are XA = 0.711, YA = 0.274 and ZA =
0.015, respectively (Lodders, Plame & Gail 2009), while those in
Comet Halley are XB = 0.06, YB = 0.00 and ZB = 0.94 (Mumma,
Weissman & Stern 1993).

We consider that the envelope has a two-layer structure (see
Fig. 1). The upper layer consists only of component A because
disc gas flows into the outer part of the envelope. The lower layer
consists of component B in addition to A. The reason is as follows.
While going through the envelope, planetesimals experience mass-
loss via strong ablation. Most of their masses are deposited in the
deep envelope (Pollack et al. 1986; Podolak et al. 1988). In the lower
envelope, convection occurs because of molecular dissociation and
high gas opacity due to the bound–free absorption of hydrogen. The
evaporated materials are thus stirred effectively by convection, so
that the chemical composition becomes uniform in the lower layer
of the envelope. Such a boundary between convective and radiative
regions (i.e. ‘tropopause’) corresponds typically to a temperature of
2000 K.

However, the boundary is likely to be above the tropopause. Even
in radiative regions, eddy diffusion carries the evaporated materials
of icy planetesimals upwards like in the homosphere extending
above the tropopause on the present Earth (e.g. Chamberlain &
Hunten 1987). Also, pollution occurs even in the upper envelope
because the temperature there is enough to evaporate ice. While
only a small fraction of the mass of planetesimals evaporates in the
upper envelope (Podolak et al. 1988), the envelope is itself tenuous

Figure 1. Schematic picture of the envelope polluted by icy planetesimals.
The envelope has a two-layer structure: the non-polluted (ZA) and the pol-
luted (Zh) layers, where ZA and Zh are the mass fractions of heavy elements
for the disc gas and the mixture of the disc gas and icy planetesimals, respec-
tively. The boundary between the upper and the lower layers is defined by
the homopause temperature (Th). (A colour version of this figure is available
in the electronic edition of MNRAS.)

in such a region, so that the upper envelope can also be enriched
in heavy elements. Thus, we regard the boundary between the two
layers as a free parameter in this study. To do so, we introduce
‘homopause temperature’, Th; the values of Th that we use in this
study are 300, 500, 1000 and 2000 K.

The thermodynamic quantities of the envelope gas are calculated
under the assumption of chemical equilibrium. Although chemical
equilibrium may not be achieved in the region of low temperature
since chemical reactions proceed slowly, this problem is beyond
the scope of this paper. The following 13 constituents are consid-
ered, namely, H, He, C, O, H2, O2, CO, CO2, H2O, CH4, H+, O−

and e−. Thermodynamic quantities are calculated from the thermo-
dynamic potentials. The relevant physical quantities are given in
NIST-JANAF thermochemical tables (Chase 1998; Ott & Boerio-
Goates 2000).

We determine the mass fractions of carbon (ZC
h ) and oxygen (ZO

h )
in the lower envelope in such a manner that the sum of the two
fractions is equal to Zh and the ratio is conserved:

Zh = ZC
h + ZO

h ,

ZC
h = (1 − ε)ZC

A + εZC
B,

ZO
h = (1 − ε)ZO

A + εZO
B , (12)

where ε is the mixing ratio of component B. The mass fractions of
hydrogen and helium in the mixture are described by ε as well:

Xh = (1 − ε)XA + εXB,

Yh = (1 − ε)YA + εYB. (13)

The ratio of ZC
A to ZO

A is 0.004:0.011, while that of ZC
B to ZO

B is
0.24:0.69. In this study, we deal with Zh, which is equivalent to
ε, as a free parameter for simplicity because the actual value of
Zh depends on various processes such as ablation efficiency of icy
planetesimals and their entry velocities and should be determined
in a complicated manner.

The gas opacity is derived from opacity tables with different
values of X and Z given by J. Ferguson (Alexander & Ferguson
1994). Their calculations include other heavy elements besides
H, He, C and O. All the elements except H and He are assumed

C© 2011 The Authors
Monthly Notices of the Royal Astronomical Society C© 2011 RAS
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Figures from Ikoma+ (2000, ApJ)) & Shiraishi+ (2008, ApJ)
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Figure from Owen et al. (1999)
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表面大気中の元素存在度
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過剰希ガスの起源
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Massive flared disk
Settled disk

Photoevaporating disk

Debris disk
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Evaporation
flow

Accretion

Evaporation
flow
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Figure 6
The evolution of a typical disk. The gas distribution is shown in blue and the dust in red. (a) Early in its evolution, the disk loses mass
through accretion onto the star and far-UV (FUV) photoevaporation of the outer disk. (b) At the same time, grains grow into larger
bodies that settle to the mid-plane of the disk. (c) As the disk mass and accretion rate decrease, extreme-UV(EUV)-induced
photoevaporation becomes important; the outer disk is no longer able to resupply the inner disk with material, and the inner disk drains
on a viscous timescale (∼105 years). An inner hole is formed, accretion onto the star ceases, and the disk quickly dissipates from the
inside out. (d ) Once the remaining gas photoevaporates, the small grains are removed by radiation pressure and Poynting-Robertson
drag. Only large grains, planetesimals, and/or planets are left. This debris disk is very low mass and is not always detectable.

as a CTTS based on the presence of accretion indicators. Accretion may be variable on short
timescales, but shows a declining long-term trend.

At the same time, grains grow into larger bodies that settle onto the mid-plane of the disk,
where they can grow into rocks, planetesimals, and beyond. Accordingly, the scale height of the
dust decreases and the initially flared dusty disk becomes flatter (Figure 6b). This steepens the
slope of the mid- and far-IR SED as a smaller fraction of the stellar radiation is intercepted by
circumstellar dust (Dullemond & Dominik 2005). The near-IR fluxes remain mostly unchanged
because the inner disk stays optically thick and extends inward to the dust sublimation temperature.
The most noticeable SED change during this stage is seen in the decline of the (sub)millimeter
flux, which traces the decrease in the mass of millimeter- and smaller sized particles (Andrews &
Williams 2005, 2007a) (see Figure 7).

As disk mass and accretion rate decrease, energetic photons from the stellar chromosphere are
able to penetrate the inner disk and photoevaporation becomes important. When the accretion
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ホットジュピター大気の重元素
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Hubble Space Telescope 
Swain, Vasisht, & Tinetti (2008, Nature)
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重力モーメントの限界

Fig: Guillot (2005, AREPS)

11 Mar 2005 23:21 AR AR233-EA33-17.tex XMLPublishSM(2004/02/24) P1: JRX

504 GUILLOT

Figure 4 Contribution of the level radii to the gravitational moments of Jupiter. J0

is equivalent to the planet’s mass. The small discontinuities are caused by the fol-
lowing transitions, from left to right: core/envelope, helium rich/helium poor (metal-
lic/molecular). Diamonds indicate the median radius for each moment.

For planets outside the Solar System, although measuring their gravitational
potential is utopic, their oblateness may be reachable with future space transit
observations (Seager & Hui 2002). Because the oblateness e is, to first order,
proportionnal to q,

e =
Req

Req − Rpol
≈

(
3
2
!2 + 1

2

)
(15)

(where !2 = J2/q ≈ 0.1 to 0.2), it may be possible to obtain their rotation rate, or
with a rotation measured from another method, a first constraint on their interior
structure.

3. JUPITER, SATURN, URANUS, AND NEPTUNE

3.1. Main Observational Data

The mass of the giant planets can be obtained with great accuracy from the ob-
servation of the motions of their natural satellites: 317.834, 95.161, 14.538, and
17.148 times the mass of Earth (1 M⊕ = 5.97369 × 1027g) for Jupiter, Saturn,
Uranus, and Neptune, respectively. The more precise determination of their grav-
ity fields listed in Table 1 have been obtained by the Pioneer and Voyager space
missions.

Table 1 also indicates the radii obtained with the greatest accuracy by radio-
occultation experiments. By convention, these radii and gravitational moments
correspond to the 1 bar pressure level. The rotation periods are measured from the
variations of the planets’ magnetic fields (system III) and are believed to be tied
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「木震」波による内部探査

P. Gaulme et al.: Detection of Jupiter’s global oscillations

Table 1. Coupling between the masks, with value larger than 20%.

! = 0 ! = 1 ! = 2 ! = 2 ! = 3 ! = 3
m = 0 m = −1 m = 0 m = 2 m = −3 m = −1

98.0% –66.7% –79.5% –40.1% –33.8%
! = 1 ! = 2 ! = 3 ! = 3 ! = 4 ! = 4
m = 0 m = −1 m = 0 m = 2 m = −3 m = −1

97.0% –72.1% –77.0% –37.8% –40.7%
! = 1 ! = 2 ! = 3 ! = 3 ! = 4 ! = 4
m = 1 m = −2 m = 1 m = 3 m = −4 m = −2

97.0% –45.2% –79.8% 45.4% 23.7%
! = 2 ! = 3 ! = 4 ! = 4 ! = 5 ! = 5
m = 1 m = −2 m = 1 m = 3 m = −4 m = −2

–96.4% –56.6% –78.2% 43.7% 31.8%

Azimuthal order m

D
eg

re
e

!

−5 −4 −3 −2 −1 0 1 2 3 4 5

0

1

2

3

4

5

Fig. 1. Representation of the projected spherical harmonics, as a func-
tion of degree ! and azimuthal order m, until degree ! = 5. The
masks used to filter the velocity maps are limited to 75% of the
Jovian diameter.

series. The data set constitutes 27 946 measurements acquired
between April 2 at 23:48:14 (UT) and April 12 at 06:30:17 (UT),
with a 6-s time sampling and a 21.5% duty cycle. The power
spectrum is computed with the discrete Fourier transform with
an oversampling of a factor of two and a frequency resolution
of 1.248 µHz (Fig. 2). We then analyze the power spectrum
with methods similar to those developed for helioseismology
(Harvey 1985) and successfully applied to asteroseismic data
from CoRoT (Michel et al. 2008) and Kepler (Chaplin et al.
2010). As in previous Doppler measurements, the time series ex-
hibits excess power between 800 and 2000 µHz and a secondary
excess between 2400 and 3400 µHz. This time it is modulated
by a clear comb-like structure of high SNR.

We fit the mean background with a semi-Lorentzian function
and each power excess with a Gaussian function, using the max-
imum likelihood estimator by taking into account the nature of
the statistics, a χ2 with two degrees of freedom. From this fitting,
the frequencies of maximum amplitude of both excess powers
are 1213 ± 50 and 2781 ± 49 µHz, with amplitudes of 9.8 ±
3.0 cm s−1 and 5.0 ± 2.3 cm s−1, respectively. The white noise
has an amplitude of 7.7 ± 1.0 cm s−1. To estimate the splitting
frequency of the comb-like structure, we calculate the Fourier
transform of the power spectrum by restricting the frequency do-
main to the main excess power [800, 2100] µHz. The resulting
power spectrum as a function of time (Fig. 3) is equivalent to an
autocorrelation of the time series. It is characterized by a main
peak at 1.780 h, with second and third harmonics at 3.584 h and
5.373 h and a half harmonic at 0.845 h. A linear fitting of the
four values yields a correlation time of 1.789 ± 0.026 h, cor-
responding to a frequency spacing of ∆ν0 = 155.3 ± 2.2 µHz.

Table 2. Frequencies and amplitudes of the peaks detected by the
H0 statistical test with 1% significance level.

ν Velocity Error ν Velocity Error
µHz cm s−1 cm s−1 µHz cm s−1 cm s−1

792 44.0 –6.2/+3.9 1478 46.4 –6.5/+4.1
854 46.7 –6.6/+4.2 1533 37.3 –5.3/+3.3
915 34.1 –4.8/+3.0 1615 40.9 –5.8/+3.7
970 48.7 –6.9/+4.4 1753 33.0 –4.6/+2.9

1011 51.4 –7.2/+4.6 1939 32.0 –4.4/+2.8
1066 45.7 –6.4/+4.1 2110 30.1 –4.2/+2.7
1094 42.4 –6.0/+3.8 2535 30.3 –4.3/+2.7
1162 54.1 –7.6/+4.8 2714 30.6 –4.3/+2.7
1245 53.8 –7.6/+4.8 2837 36.2 –5.1/+3.2
1341 51.5 –7.3/+4.6 2947 41.1 –5.8/+3.7
1410 40.7 –5.7/+3.6 3071 30.7 –4.3/+2.7

The fact that we observe a half harmonic in time rather than
only integer harmonics can be due either to a combination of the
window observing function with the modulation of nearby oscil-
lation modes or to a stochastic excitation of the modes. We also
detect the presence of a peak at half the Jovian rotation period
as would be expected from the rotational splitting of l = 1 az-
imuthal modes. The échelle diagram associated with this mean
spacing frequency ∆ν0 (Fig. 5) clearly shows two maxima in
the ∼1000−1600 µHz range that are separated by half of the
155 µHz folding frequency. Furthermore, two secondary max-
ima of smaller amplitude mirror them in the 2500−3000 µHz
domain.

To assess the significance of the observed signal, we then
apply a null hypothesis (H0) statistical test to the peaks identi-
fied in the power spectrum. We retain only peaks with a signif-
icance level of 1% and remove all neighboring aliases caused
by the Earth’s rotational frequency (±11.6 µHz). This results
in the identification of 22 distinct local maxima between 800
and 3100 µHz. Both amplitude and frequencies were measured
from the power spectrum rebinned over 11 points, to smooth out
the daily aliases. To estimate the true amplitude of the detected
peaks, we introduced 40 pure sine curves with amplitudes cor-
responding to a Doppler shift of 1 m s−1 in the time series, at
frequencies away from the excess power. Because of the duty
cycle and the rebinning, the sine curves appear as peaks of mean
amplitude of [12.2+2.0

−1.0 cm s−1]2 in the power spectrum. This scal-
ing factor was used to infer the peak heights. If we assume these
peaks are of Jovian origin, we then have to divide each peak
height by a factor two, to take into account the doubling of the
Doppler effect that affects the shift of reflected lines. By suppos-
ing these peaks correspond to pure sinusoidal signals, the maxi-
mum velocity for these is 49+8

−10 cm s−1. Moreover, the frequency
measurement of 40 artificial sine curves in the data allowed us
to estimate the error in the frequency to be −5/+9 µHz.

3. Evidence of Jovian p-modes

Our measurements agree with theoretical expectations in terms
of the frequency range, the amplitude, and the mean large spac-
ing (Bercovici & Schubert 1987; Provost et al. 1993) and would
correspond to the signature of modes of consecutive degrees
(e.g. l = 1 and l = 2). Oscillating stars also display similar sig-
natures (Appourchaux et al. 2008; García et al. 2009). However,
other effects could a priori cause the measured signal: temper-
ature fluctuations in the interferometer, telescope pointing er-
rors, albedo features on Jupiter, and solar p-modes reflected by
Jupiter’s atmosphere.
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